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Figure 9. Same as Figure 8, farther along the Galactic Plane.
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Figure 9. Same as Figure 8, farther along the Galactic Plane.
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MICROQUASARSMICROQUASARS

Radio emitting X-ray 
binaries displaying 
relativistic radio jets.

Compact object may be a 
Neutron Star or a Black Hole 
(BH).

In BH, the length and time 
scales are proportional to 
the mass, M.

The maximum color 
temperature of the accretion 
disk is Tcol ≈ 2×107M−1/4.

(Mirabel & Rodríguez 1998)

μQs: XRBs displaying relativistic jets

• compact object (BH/NS) + donor star (LM/HM),
  accretion disk, hot corona, bipolar jets 
  Mirabel & Rodríguez 1998

• μQs as gamma-ray sources  
  Paredes+ 2000   
• broad-band emission from radio-to-X-rays 
  Bosch-Ramon+ 2006

• transient / persistent gamma-ray emission: 
  Cyg X-3 (Tavani+ 2009, LAT 2009), Cyg X-1(Zanin+  
  2016, Zdziarski+ 2017), Cyg X-1 flares (Albert+ 2007, 
  Bulgarelli+2001), 

• large-scale emission - mimicking radio galaxies, 
  e.g. SS433, 1E 1740, GRS 1758-258, Cyg X-1 … 

from Mirabel & Rodríguez (1998) 

microquasars

+ μQs @ HEPRO VII

•  γ-rays from Cyg X-1 and Cyg X-3 - A. Zdziarski

•  μQs at Cosmic Dawn - F. Mirabel  
•  time-lag /photon-index correlations in μQs - N. Kylafis 
•  GRS 1758-258 as a winged μQ -  J. Martí 
•  Lorentz factors of μQ jets - P. Saikia  
•  Are jets in GRS 1758-258 precessing? - P.  Luque-Escamilla

 



• likely BH (M~10-20 M⊙) + A-supergiant (Fabrika 2004)
• supper-critical accretion rate, dM/dt ~ 10-4 M⊙/yr
• 13d (162d) orbital (precession) period  Gies+ 2002)

• jets mildly relativistic vjets= 0.26 c, i = 78°, θprec = 21°

• extremely powerful jets, Ljet ≳ 1039 erg/s
• evidence for baryons  Marshall+ 2002, Migliari+ 2002

SS433

(NRAO/AUI/NSF, K. Golap, M. Goss)

SS433: first discovered μQ  Abell & Margon 1979

• embedded in the W50 nebula  Dubner+ 1998
• jets/nebula interaction => "sea-shell"
• extended radio, optical filaments, X-ray hot spots
• HE/VHE gamma-rays from interaction regions?  
 Bordas+ 2015, Rasul+2018, HAWC 2018

   

VLA, Blundell & Bowler 2004
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SS 433

5 years (7 years) Fermi-LAT observations 
Pass7 (Pass8) data, 3FGL, TS = 57.6 (62.41) 
Δθ = 0.4° (0.2°) Bordas+ 2015, 2017  

9 years Fermi-LAT observations 
Pass8 data, 3FGL, TS = 165, 
Δθ = 0.18°, TSext=31 Rasul+ 2019 

10 years Fermi-LAT observations 
Pass8 data, 3FGL + FL8Y, TSe1 = 65, 
TSw1=30, TSext<4 Xing+ 2019  

10 years Fermi-LAT observations 
Pass8 data, 4FGL, new diff. bkg model, 
TS = 65, extension vs point ~ 3.5σ  
Sun+ 2019  

 

SS433 at HE gamma-rays



from the surrounding medium. In the following, we consider a
simple power-law distribution for relativistic electrons with an
exponential cutoff, N Ee e

eµ a- exp ( E Ee e,cut- ). More com-
plex distributions for the emitting particles, e.g., a broken
power law, would require a proper knowledge of the
acceleration conditions, possibly accounting for radiation or
escape/adiabatic losses, which is beyond the scope of this
study. Such a simple power-law distribution can fit the gamma-
ray SED by assuming a hard electron spectrum in order to
account for the low-energy data at E 2501 MeV. Taking

1.5ea = , the best fit is obtained for a cutoff energy Ee,cut » 4.5
and 1.0 GeV in an IC and a relativistic bremsstrahlung scenario
(see Figure 3), providing a 2c /degrees of freedom 4.99 3= and

2.37 3, respectively. Given the smooth logparabola best fit to
the gamma-ray data, we also tried sub-/super-exponential
cutoffs in the electron distribution, with exp ( E Ee e,cut- ) b and

[0, 2]b Î , but no appreciable improvement in the fit is
obtained.
If the emitter is located inside or close to the binary system,

however, periodic absorption features are expected to affect the
observed gamma-ray flux every precession cycle (see, e.g.,
Reynoso et al. 2008). For IC on the companion star photon
field, an additional orbital modulation of the gamma-ray flux is
expected given the high inclination of the system (i 78» ). No
signature of such a modulation is observed either in the
precession or the orbital phase-folded light curves (see
Figure 2), although the low statistics available prevent a
definitive conclusion from being reached.
If the emitter is instead located farther away along the jet,

e.g., at the jet/medium interaction regions, IC on the cosmic
microwave background would require a narrow electron
distribution, approaching a delta function with

[3 5] 10e
5g ~ - ´ , to account for the observed gamma-ray

flux. Relativistic bremsstrahlung, on the other hand, could
explain the observed emission by assuming target particle
densities of n4 4ion´ » cm−3, with n 1ion » cm−3 and a factor
of four from the Rankine–Hugoniot jump conditions in strong
shocks, and a relatively high efficiency, of about ∼30%, in
converting jet kinetic energy to non-thermal energy. Such an
estimate for the non-thermal efficiency is nonetheless strongly
dependent on the total energetic budget of the emitter, which is
in any case highly uncertain, and therefore unsuitable to extract
more robust conclusions.
In a hadronic scenario, gamma-ray emission could be

rendered through the decay of neutral pions produced in
proton–proton collisions within the jet or at the jet termination
site. The presence of a low-energy cutoff in the gamma-ray
spectrum could be naturally explained in this scenario by the
sharp decrease of the neutral pion production cross section
close to the kinetic threshold, whereas the narrow gamma-ray
peak could be easily described by adopting a proton
distribution that does not extend significantly beyond a
few GeV. We have employed the latest parameterization of the
pp g cross sections given in Kafexhiu et al. (2014), which
is valid for proton energies from the kinematic threshold up to
PeV energies. Assuming for simplicity a power-law

Figure 2. Phase-folded gamma-ray light curve on the orbital and precession period of the system (P 13.15= and 162.4 days, respectively). An ephemeris by Gies
et al. (2002) has been employed. No statistically significant signature of flux modulation is observed, with a constant fit to the data yielding 2c /degrees of freedom of
0.60/4 and 2.27/4 for the orbital and precession phase-folded light curves, respectively.

Figure 3. Spectral energy distribution of the Fermi-LAT flux together with fits
to the gamma-ray emission considering emission produced through IC (blue),
relativistic bremsstrahlung (red), and proton–plasma interactions (black). The
target photon field for IC is provided by the optical star and the accretion disk
(T 8500=� K and T 40.000disk = K, respectively; Fabrika 2004). Target
material for relativistic bremsstrahlung comes from cold jet particles or
material entrained from the surrounding medium. An electron power-law
distribution with 1.5ea = and E 4.5 (1.0)cut = GeV for IC (relativistic
bremsstrahlung) fits well the high-energy data points, but cannot reproduce
the spectrum below ∼250 MeV. For pp interactions, a thermal proton
distribution with k T 35b ~ MeV is insufficient to match the high-energy data
points. A proton power law extending up to approximately a few GeV is
required to fit the spectrum.
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Figure 4. (a) Orbital light curve; two orbital periods are shown for clarity. Bins are coloured to match their phase. (b) Spectral index
vs flux for each orbital phase bin. (c) Precessional light curve. (d) Spectral index vs flux for each precessional phase bin.
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HE gamma-rays towards SS433/W50
SED up to ~700 MeV only, peak @ ~250 MeV
  Lγ = 7.2⇥ 1034 erg cm�2 s�1
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periodicity: 2σ (orbital), 2.9σ (precession)
to components: variable + large-scale flux ?

Rasul+ 2019

best-fit position offset towards w1
no model to explain GeV + TeV by single emitter

Xing+ 2019

Bordas+ 2015, 2017

Extended emission not compatible with lobes/
filaments observed in radio or X-rays
gamma-rays from W50 instead?

Sun+ 2019

SS433 at HE gamma-rays



MAGIC and H.E.S.S. Collaborations: SS 433 VHE observations
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Fig. 1. Significance map, derived from the H.E.S.S. data, for the FoV
centred at the position of SS 433/W50 at E � 287 GeV. GB6 4.85 GHz
radio contours (white, from Gregory et al. 1996) are superimposed.
Cyan circles indicate the positions of the interaction regions e1, e2, e3
(eastern “ear”) and w1, w2 (western “ear”). The bright source located
north-west of SS 433 is MGRO J1908+06 (Abdo et al. 2007).

the combined data sets obtained by both observatories. Events
in the signal region (nON) and in the background control regions
(nOFF) from each instrument are collected in addition to the ratio
of the areas in the signal and the background regions (↵), e↵ec-
tive area (Ae↵) and e↵ective observing time te↵ corresponding
to the observations of each instrument. A likelihood profile is
then computed in each studied energy bin (�Ei) for both the sig-
nal and background distributions. Systematic uncertainties are
accounted for through the inclusion of additional likelihood pro-
files for the distributions of ↵, Ae↵ , and energy resolution, as-
suming systematics at the level of �↵ = 10%, �Ae↵ = 15%, and
�Ei = 15% for the measurements of these quantities by each
instrument (Aharonian et al. 2006a; Aleksić et al. 2016). The in-
clusion of these systematics results in an enhancement by ⇠15%
to 30% on the final combined di↵erential flux upper limit val-
ues, depending on the studied energy bin. To obtain the final
combined di↵erential flux upper limits, a likelihood ratio test is
employed assuming a given range of values for the normaliza-
tion factor of the gamma-ray di↵erential spectrum, N0. From
the maximum of the likelihood profile, a 95% confidence in-
terval for the di↵erential upper limit in each energy bin �Ei is
derived through dN/dE = N0 ⇥ E��, where a fixed spectral in-
dex � = 2.7 was assumed. The final di↵erential upper limits are
shown in Fig. 2, both for each instrument and the combined val-
ues, together with the Crab nebula flux, for reference, and the
theoretical predictions on the gamma-ray flux from SS433 ex-
pected at low-absorption precession phases  2 [0.9, 0.1] by
Reynoso et al. (2008b).

4. Discussion

The H.E.S.S. and MAGIC observations reported here do not
show any significant signal of VHE emission from SS 433/W50.
The variable absorption of a putative VHE gamma-ray flux emit-
ted from the inner regions of the binary system, which could be
responsible for this non-detection, is accounted for in this study
by selecting observations corresponding to precession/orbital
phases where this absorption should be at its minimum. The
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Fig. 2. Di↵erential flux upper limits (95% C.L.) from SS 433 obtained
with MAGIC (blue), H.E.S.S. (green) and a combination of both tele-
scopes (red) assuming a power-law with a spectral index � = 2.7 for the
di↵erential gamma-ray flux. The predicted di↵erential gamma-ray flux
from Reynoso et al. (2008b) for precessional phases  pre 2 [0.9, 0.1]
in which absorption of VHE emission should be at its lower level is
also displayed (dashed orange), together with the Crab Nebula flux, for
reference (from Aleksić et al. 2012b).

combination of the MAGIC and H.E.S.S. observations in
addition provides a relatively wide coverage of the relevant pre-
cession phases from 2006 to 2011. If a long-term super-orbital
variability exists in SS 433 with timescales of ⇠few years, for
example related to a varying jet injection power or the chang-
ing conditions of the absorber in the surroundings of the central
compact object, such variability does not result in an enhance-
ment of the TeV flux up to the detection level of current IACTs.

While SS 433 remains undetected at VHE, the system dis-
plays non-thermal emission at lower energies along the jets
and/or at the SS 433/W50 interaction regions, which ensures
the presence of an emitting population of relativistic particles
in the system. In particular for the eastern nebula interaction
sites, the observed synchrotron X-ray emission implies the pres-
ence of for example up to multi-TeV electrons in these regions
(Safi-Harb & Petre 1999).

By considering in detail the photon and matter fields both
from the companion star and accretion/circumstellar disks,
gamma-ray fluxes from SS 433/W50 have been predicted at a
level of ⇠10�12–10�13 ph cm�2 s�1 (see e.g. Band & Grindlay
1986; Aharonian & Atoyan 1998; Reynoso et al. 2008b).
Reynoso et al. (2008b) consider in particular pp interactions
between relativistic and cold protons in SS 433 jets during
low-absorption precession/orbital phases, producing gamma-ray
fluxes at E� � 800 GeV during these precession phases at
a level of �VHE ⇡ 2.1 ⇥ 10�12 ph cm�2 s�1. The general
framework used to derive the relativistic proton distribution in
Reynoso et al. (2008b) has been revised by Torres & Reimer
(2011), who report significant deviations of these proton fluxes
for jets displaying large Lorentz factors and/or small viewing
angles, for example blazar jets and gamma-ray bursts. In
SS 433, with a moderate jet Lorentz factor of 1.036 (v = 0.26 c;
Abell & Margon 1979) and a relatively large jet viewing angle,
⇠78� (Eikenberry et al. 2001), the correction factor on the fluxes
predicted by Reynoso et al. (2008b) could be a↵ected at the
level of ⇠20%. The gamma-ray flux predicted by Reynoso et al.
(2008) depends on the e�ciency in transferring jet kinetic en-
ergy to the relativistic proton population, qp, which is treated in
their model as a free parameter. Using the HEGRA upper limits
to the VHE gamma-ray flux from SS 433, qp is constrained to
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MAGIC/HESS combined (raw) data sets

~10h on SS433 (low-absorption phases),  
20h-60h observation of int. regions

no VHE γ-rays from SS433 or int. regions  
- UULL @ E> 300 GeV, 800 GeV (c.f. HEGRA) 

A&A 612, A14 (2018)

Table 1. Observations of SS 433 performed by H.E.S.S. and MAGIC telescopes.

Instrument Epoch Zenith angle Time  pre
[�] [h]

H.E.S.S. 30 May–5 June 2006 28–44 3.0 0.95–0.99
30 September–12 October 2007 38–46 3.1 0.96–0.04

3–17 July 2009 33–54 0.9 0.92–0.01
9–10 May 2011 28–37 2.1 0.07–0.08

MAGIC 20–23 May 2010 24–29 5.6 0.90–0.92
08–10 June 2010 24–30 4.4 0.01–0.03

Notes. The table includes the date of the observations, telescope configuration or number of operating telescopes, zenith angle range, observation
live-time, and corresponding precessional phase (based on ephemeris by Goranskij 2011).

Table 2. Integral H.E.S.S. and MAGIC flux upper limits derived for
SS 433 during low-absorption orbital/precessional phases and for the
eastern/western interaction regions indicated in Fig. 1 using all available
data.

Region IACT te↵ 300 GeV UL 800 GeV UL
[h] [cm�2 s�1] [cm�2 s�1]

SS 433 HEGRA 96.3 – 8.9 ⇥ 10�13

RA = 19h11m50s H.E.S.S. 8.7 2.3 ⇥ 10�12 3.9 ⇥ 10�13

Dec = 04�5805800 MAGIC 7.8 1.8 ⇥ 10�12 4.3 ⇥ 10�13

e1 HEGRA 72.0 – 6.2 ⇥ 10�13

RA = 19h13m37s
H.E.S.S. 36.5 6.8 ⇥ 10�13 1.4 ⇥ 10�13

Dec = 04�5504800
(r = 0.05�) MAGIC 7.8 1.6 ⇥ 10�11 1.9 ⇥ 10�12

e2 HEGRA 73.1 – 9.2 ⇥ 10�13

RA = 19h14m20s
H.E.S.S. 34.8 6.0 ⇥ 10�13 1.3 ⇥ 10�13

Dec = 04�5402500
(r = 0.17�) MAGIC 7.8 1.7 ⇥ 10�11 2.0 ⇥ 10�12

e3 HEGRA 68.8 – 9.0 ⇥ 10�13

RA = 19h16m04s
H.E.S.S. 18.9 1.1 ⇥ 10�12 9.3 ⇥ 10�13

Dec = 04�5001300
(r = 0.25�) MAGIC 7.8 8.7 ⇥ 10�12 6.1 ⇥ 10�13

w1 HEGRA 104.9 – 6.7 ⇥ 10�13

RA = 19h10m37s
H.E.S.S. 62.5 2.2 ⇥ 10�13 4.0 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.3 ⇥ 10�11 2.2 ⇥ 10�12

w2 HEGRA 100.7 – 9.0 ⇥ 10�13

RA = 19h09m40s
H.E.S.S. 60.8 3.2 ⇥ 10�13 7.6 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.4 ⇥ 10�11 2.6 ⇥ 10�12

Notes. The results obtained with HEGRA (Aharonian et al. 2005) are
also included for comparison. Columns denote from left to right: the re-
gion of study (with coordinates and extension radius for the interaction
regions) IACT instrument, e↵ective exposure time, energy threshold for
the UL calculation, and integral flux UL computed at 99% C.L.

57�, with an average of 35�–38� depending on the region. The
total exposure time varies from region to region (see Table 2).

3.2. Analysis

Data analysis was performed following the standard analysis
procedure for each of the two instruments (see Aharonian et al.
2006a, for H.E.S.S.; and Aleksić et al. 2016, for MAGIC
analysis details). The imaging technique is based on the
parameterization of the images formed in the camera plane in
order to extract the information contained in the shower with
the Hillas parameters (Hillas 1985). The signal extraction was
performed by the reconstruction and calibration of the size and
arrival time of the Cherenkov pulses. The event reconstruction
was obtained by image cleaning and shower parameterization,

whereas the signal and background discrimination and energy
estimation were obtained by comparison of the Hillas param-
eters with look-up tables for a given shower intensity and im-
pact distance (see Aharonian et al. 2006a; Aleksić et al. 2012a),
or by training an algorithm to perform gamma/hadron separa-
tion via the random forest (RF) method (Albert et al. 2008). The
event direction was derived in stereoscopic observations from
the intersection of the major axes of the shower images in mul-
tiple cameras. Finally, the signal was extracted geometrically
from the angular distance ✓2; i.e. the angular distance between
the source position and the estimated source position for a given
event. The signal is then determined by an upper cut in these
angles, since gamma rays are reconstructed with small angles
and the background follows a featureless, almost-flat distribu-
tion. For the H.E.S.S. analysis, an independent cross-check with
the model analysis technique (de Naurois & Rolland 2009) was
performed, making use of an independent calibration procedure
of the raw data, with both the analysis chains providing compat-
ible results. Standard cuts were used, where a cut of 60 photo-
electrons on the intensity of the extensive air showers is applied,
providing a mean energy threshold of ⇠287 GeV for the anal-
ysis reported here. The energy threshold reached by MAGIC
is 150 GeV. A point-like source was assumed for the analysis
of SS 433. The interaction regions display extended emission
at lower energies. To account for such extension, the MAGIC
and H.E.S.S. analyses were optimized assuming a source radius
(✓-cut) of 0.05�, 0.17�, 0.25�, 0.07�, and 0.07� for e1, e2, e3,
w1, and w2, respectively, derived from the extension of these re-
gions observed at X-ray energies (see e.g. Safi-Harb & Ögelman
1997; Safi-Harb & Petre 1999; Aharonian et al. 2005, and refer-
ences therein).

3.3. Results

The H.E.S.S. and MAGIC observations reported here do not
show any significant VHE emission either for the central source
SS 433 or for any of the interaction regions with the W50 neb-
ula e1, e2, e3, w1, and w2 (see Fig. 1). Integral upper limits
Rolke et al. (2005) have been calculated at E � 300 GeV and at
E � 800 GeV; the latter allows for a comparison with previous
results on the source reported by the HEGRA (Aharonian et al.
2005) Collaboration. The results are summarised in Table 2.
A day-by-day analysis of the H.E.S.S. and MAGIC data sets
was also performed without any signature of significant emis-
sion, which could suggest a flaring episode during the dates of
observation.

The H.E.S.S. and MAGIC observations were used to com-
pute the di↵erential flux upper limits for the VHE emission
from the central binary system at orbital/precession phases
where absorption should be at its minimum. These limits were
computed through a maximum-likelihood ratio test applied to
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Table 1. Observations of SS 433 performed by H.E.S.S. and MAGIC telescopes.

Instrument Epoch Zenith angle Time  pre
[�] [h]

H.E.S.S. 30 May–5 June 2006 28–44 3.0 0.95–0.99
30 September–12 October 2007 38–46 3.1 0.96–0.04

3–17 July 2009 33–54 0.9 0.92–0.01
9–10 May 2011 28–37 2.1 0.07–0.08

MAGIC 20–23 May 2010 24–29 5.6 0.90–0.92
08–10 June 2010 24–30 4.4 0.01–0.03

Notes. The table includes the date of the observations, telescope configuration or number of operating telescopes, zenith angle range, observation
live-time, and corresponding precessional phase (based on ephemeris by Goranskij 2011).

Table 2. Integral H.E.S.S. and MAGIC flux upper limits derived for
SS 433 during low-absorption orbital/precessional phases and for the
eastern/western interaction regions indicated in Fig. 1 using all available
data.

Region IACT te↵ 300 GeV UL 800 GeV UL
[h] [cm�2 s�1] [cm�2 s�1]

SS 433 HEGRA 96.3 – 8.9 ⇥ 10�13

RA = 19h11m50s H.E.S.S. 8.7 2.3 ⇥ 10�12 3.9 ⇥ 10�13

Dec = 04�5805800 MAGIC 7.8 1.8 ⇥ 10�12 4.3 ⇥ 10�13

e1 HEGRA 72.0 – 6.2 ⇥ 10�13

RA = 19h13m37s
H.E.S.S. 36.5 6.8 ⇥ 10�13 1.4 ⇥ 10�13

Dec = 04�5504800
(r = 0.05�) MAGIC 7.8 1.6 ⇥ 10�11 1.9 ⇥ 10�12

e2 HEGRA 73.1 – 9.2 ⇥ 10�13

RA = 19h14m20s
H.E.S.S. 34.8 6.0 ⇥ 10�13 1.3 ⇥ 10�13

Dec = 04�5402500
(r = 0.17�) MAGIC 7.8 1.7 ⇥ 10�11 2.0 ⇥ 10�12

e3 HEGRA 68.8 – 9.0 ⇥ 10�13

RA = 19h16m04s
H.E.S.S. 18.9 1.1 ⇥ 10�12 9.3 ⇥ 10�13

Dec = 04�5001300
(r = 0.25�) MAGIC 7.8 8.7 ⇥ 10�12 6.1 ⇥ 10�13

w1 HEGRA 104.9 – 6.7 ⇥ 10�13

RA = 19h10m37s
H.E.S.S. 62.5 2.2 ⇥ 10�13 4.0 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.3 ⇥ 10�11 2.2 ⇥ 10�12

w2 HEGRA 100.7 – 9.0 ⇥ 10�13

RA = 19h09m40s
H.E.S.S. 60.8 3.2 ⇥ 10�13 7.6 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.4 ⇥ 10�11 2.6 ⇥ 10�12

Notes. The results obtained with HEGRA (Aharonian et al. 2005) are
also included for comparison. Columns denote from left to right: the re-
gion of study (with coordinates and extension radius for the interaction
regions) IACT instrument, e↵ective exposure time, energy threshold for
the UL calculation, and integral flux UL computed at 99% C.L.

57�, with an average of 35�–38� depending on the region. The
total exposure time varies from region to region (see Table 2).

3.2. Analysis

Data analysis was performed following the standard analysis
procedure for each of the two instruments (see Aharonian et al.
2006a, for H.E.S.S.; and Aleksić et al. 2016, for MAGIC
analysis details). The imaging technique is based on the
parameterization of the images formed in the camera plane in
order to extract the information contained in the shower with
the Hillas parameters (Hillas 1985). The signal extraction was
performed by the reconstruction and calibration of the size and
arrival time of the Cherenkov pulses. The event reconstruction
was obtained by image cleaning and shower parameterization,

whereas the signal and background discrimination and energy
estimation were obtained by comparison of the Hillas param-
eters with look-up tables for a given shower intensity and im-
pact distance (see Aharonian et al. 2006a; Aleksić et al. 2012a),
or by training an algorithm to perform gamma/hadron separa-
tion via the random forest (RF) method (Albert et al. 2008). The
event direction was derived in stereoscopic observations from
the intersection of the major axes of the shower images in mul-
tiple cameras. Finally, the signal was extracted geometrically
from the angular distance ✓2; i.e. the angular distance between
the source position and the estimated source position for a given
event. The signal is then determined by an upper cut in these
angles, since gamma rays are reconstructed with small angles
and the background follows a featureless, almost-flat distribu-
tion. For the H.E.S.S. analysis, an independent cross-check with
the model analysis technique (de Naurois & Rolland 2009) was
performed, making use of an independent calibration procedure
of the raw data, with both the analysis chains providing compat-
ible results. Standard cuts were used, where a cut of 60 photo-
electrons on the intensity of the extensive air showers is applied,
providing a mean energy threshold of ⇠287 GeV for the anal-
ysis reported here. The energy threshold reached by MAGIC
is 150 GeV. A point-like source was assumed for the analysis
of SS 433. The interaction regions display extended emission
at lower energies. To account for such extension, the MAGIC
and H.E.S.S. analyses were optimized assuming a source radius
(✓-cut) of 0.05�, 0.17�, 0.25�, 0.07�, and 0.07� for e1, e2, e3,
w1, and w2, respectively, derived from the extension of these re-
gions observed at X-ray energies (see e.g. Safi-Harb & Ögelman
1997; Safi-Harb & Petre 1999; Aharonian et al. 2005, and refer-
ences therein).

3.3. Results

The H.E.S.S. and MAGIC observations reported here do not
show any significant VHE emission either for the central source
SS 433 or for any of the interaction regions with the W50 neb-
ula e1, e2, e3, w1, and w2 (see Fig. 1). Integral upper limits
Rolke et al. (2005) have been calculated at E � 300 GeV and at
E � 800 GeV; the latter allows for a comparison with previous
results on the source reported by the HEGRA (Aharonian et al.
2005) Collaboration. The results are summarised in Table 2.
A day-by-day analysis of the H.E.S.S. and MAGIC data sets
was also performed without any signature of significant emis-
sion, which could suggest a flaring episode during the dates of
observation.

The H.E.S.S. and MAGIC observations were used to com-
pute the di↵erential flux upper limits for the VHE emission
from the central binary system at orbital/precession phases
where absorption should be at its minimum. These limits were
computed through a maximum-likelihood ratio test applied to
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Table 1. Observations of SS 433 performed by H.E.S.S. and MAGIC telescopes.

Instrument Epoch Zenith angle Time  pre
[�] [h]

H.E.S.S. 30 May–5 June 2006 28–44 3.0 0.95–0.99
30 September–12 October 2007 38–46 3.1 0.96–0.04

3–17 July 2009 33–54 0.9 0.92–0.01
9–10 May 2011 28–37 2.1 0.07–0.08

MAGIC 20–23 May 2010 24–29 5.6 0.90–0.92
08–10 June 2010 24–30 4.4 0.01–0.03

Notes. The table includes the date of the observations, telescope configuration or number of operating telescopes, zenith angle range, observation
live-time, and corresponding precessional phase (based on ephemeris by Goranskij 2011).

Table 2. Integral H.E.S.S. and MAGIC flux upper limits derived for
SS 433 during low-absorption orbital/precessional phases and for the
eastern/western interaction regions indicated in Fig. 1 using all available
data.

Region IACT te↵ 300 GeV UL 800 GeV UL
[h] [cm�2 s�1] [cm�2 s�1]

SS 433 HEGRA 96.3 – 8.9 ⇥ 10�13

RA = 19h11m50s H.E.S.S. 8.7 2.3 ⇥ 10�12 3.9 ⇥ 10�13

Dec = 04�5805800 MAGIC 7.8 1.8 ⇥ 10�12 4.3 ⇥ 10�13

e1 HEGRA 72.0 – 6.2 ⇥ 10�13

RA = 19h13m37s
H.E.S.S. 36.5 6.8 ⇥ 10�13 1.4 ⇥ 10�13

Dec = 04�5504800
(r = 0.05�) MAGIC 7.8 1.6 ⇥ 10�11 1.9 ⇥ 10�12

e2 HEGRA 73.1 – 9.2 ⇥ 10�13

RA = 19h14m20s
H.E.S.S. 34.8 6.0 ⇥ 10�13 1.3 ⇥ 10�13

Dec = 04�5402500
(r = 0.17�) MAGIC 7.8 1.7 ⇥ 10�11 2.0 ⇥ 10�12

e3 HEGRA 68.8 – 9.0 ⇥ 10�13

RA = 19h16m04s
H.E.S.S. 18.9 1.1 ⇥ 10�12 9.3 ⇥ 10�13

Dec = 04�5001300
(r = 0.25�) MAGIC 7.8 8.7 ⇥ 10�12 6.1 ⇥ 10�13

w1 HEGRA 104.9 – 6.7 ⇥ 10�13

RA = 19h10m37s
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Dec = 05�0201300
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H.E.S.S. 60.8 3.2 ⇥ 10�13 7.6 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.4 ⇥ 10�11 2.6 ⇥ 10�12

Notes. The results obtained with HEGRA (Aharonian et al. 2005) are
also included for comparison. Columns denote from left to right: the re-
gion of study (with coordinates and extension radius for the interaction
regions) IACT instrument, e↵ective exposure time, energy threshold for
the UL calculation, and integral flux UL computed at 99% C.L.

57�, with an average of 35�–38� depending on the region. The
total exposure time varies from region to region (see Table 2).

3.2. Analysis

Data analysis was performed following the standard analysis
procedure for each of the two instruments (see Aharonian et al.
2006a, for H.E.S.S.; and Aleksić et al. 2016, for MAGIC
analysis details). The imaging technique is based on the
parameterization of the images formed in the camera plane in
order to extract the information contained in the shower with
the Hillas parameters (Hillas 1985). The signal extraction was
performed by the reconstruction and calibration of the size and
arrival time of the Cherenkov pulses. The event reconstruction
was obtained by image cleaning and shower parameterization,

whereas the signal and background discrimination and energy
estimation were obtained by comparison of the Hillas param-
eters with look-up tables for a given shower intensity and im-
pact distance (see Aharonian et al. 2006a; Aleksić et al. 2012a),
or by training an algorithm to perform gamma/hadron separa-
tion via the random forest (RF) method (Albert et al. 2008). The
event direction was derived in stereoscopic observations from
the intersection of the major axes of the shower images in mul-
tiple cameras. Finally, the signal was extracted geometrically
from the angular distance ✓2; i.e. the angular distance between
the source position and the estimated source position for a given
event. The signal is then determined by an upper cut in these
angles, since gamma rays are reconstructed with small angles
and the background follows a featureless, almost-flat distribu-
tion. For the H.E.S.S. analysis, an independent cross-check with
the model analysis technique (de Naurois & Rolland 2009) was
performed, making use of an independent calibration procedure
of the raw data, with both the analysis chains providing compat-
ible results. Standard cuts were used, where a cut of 60 photo-
electrons on the intensity of the extensive air showers is applied,
providing a mean energy threshold of ⇠287 GeV for the anal-
ysis reported here. The energy threshold reached by MAGIC
is 150 GeV. A point-like source was assumed for the analysis
of SS 433. The interaction regions display extended emission
at lower energies. To account for such extension, the MAGIC
and H.E.S.S. analyses were optimized assuming a source radius
(✓-cut) of 0.05�, 0.17�, 0.25�, 0.07�, and 0.07� for e1, e2, e3,
w1, and w2, respectively, derived from the extension of these re-
gions observed at X-ray energies (see e.g. Safi-Harb & Ögelman
1997; Safi-Harb & Petre 1999; Aharonian et al. 2005, and refer-
ences therein).

3.3. Results

The H.E.S.S. and MAGIC observations reported here do not
show any significant VHE emission either for the central source
SS 433 or for any of the interaction regions with the W50 neb-
ula e1, e2, e3, w1, and w2 (see Fig. 1). Integral upper limits
Rolke et al. (2005) have been calculated at E � 300 GeV and at
E � 800 GeV; the latter allows for a comparison with previous
results on the source reported by the HEGRA (Aharonian et al.
2005) Collaboration. The results are summarised in Table 2.
A day-by-day analysis of the H.E.S.S. and MAGIC data sets
was also performed without any signature of significant emis-
sion, which could suggest a flaring episode during the dates of
observation.

The H.E.S.S. and MAGIC observations were used to com-
pute the di↵erential flux upper limits for the VHE emission
from the central binary system at orbital/precession phases
where absorption should be at its minimum. These limits were
computed through a maximum-likelihood ratio test applied to
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Table 1. Observations of SS 433 performed by H.E.S.S. and MAGIC telescopes.

Instrument Epoch Zenith angle Time  pre
[�] [h]

H.E.S.S. 30 May–5 June 2006 28–44 3.0 0.95–0.99
30 September–12 October 2007 38–46 3.1 0.96–0.04

3–17 July 2009 33–54 0.9 0.92–0.01
9–10 May 2011 28–37 2.1 0.07–0.08

MAGIC 20–23 May 2010 24–29 5.6 0.90–0.92
08–10 June 2010 24–30 4.4 0.01–0.03

Notes. The table includes the date of the observations, telescope configuration or number of operating telescopes, zenith angle range, observation
live-time, and corresponding precessional phase (based on ephemeris by Goranskij 2011).

Table 2. Integral H.E.S.S. and MAGIC flux upper limits derived for
SS 433 during low-absorption orbital/precessional phases and for the
eastern/western interaction regions indicated in Fig. 1 using all available
data.

Region IACT te↵ 300 GeV UL 800 GeV UL
[h] [cm�2 s�1] [cm�2 s�1]

SS 433 HEGRA 96.3 – 8.9 ⇥ 10�13

RA = 19h11m50s H.E.S.S. 8.7 2.3 ⇥ 10�12 3.9 ⇥ 10�13

Dec = 04�5805800 MAGIC 7.8 1.8 ⇥ 10�12 4.3 ⇥ 10�13

e1 HEGRA 72.0 – 6.2 ⇥ 10�13

RA = 19h13m37s
H.E.S.S. 36.5 6.8 ⇥ 10�13 1.4 ⇥ 10�13

Dec = 04�5504800
(r = 0.05�) MAGIC 7.8 1.6 ⇥ 10�11 1.9 ⇥ 10�12

e2 HEGRA 73.1 – 9.2 ⇥ 10�13

RA = 19h14m20s
H.E.S.S. 34.8 6.0 ⇥ 10�13 1.3 ⇥ 10�13

Dec = 04�5402500
(r = 0.17�) MAGIC 7.8 1.7 ⇥ 10�11 2.0 ⇥ 10�12

e3 HEGRA 68.8 – 9.0 ⇥ 10�13

RA = 19h16m04s
H.E.S.S. 18.9 1.1 ⇥ 10�12 9.3 ⇥ 10�13

Dec = 04�5001300
(r = 0.25�) MAGIC 7.8 8.7 ⇥ 10�12 6.1 ⇥ 10�13

w1 HEGRA 104.9 – 6.7 ⇥ 10�13

RA = 19h10m37s
H.E.S.S. 62.5 2.2 ⇥ 10�13 4.0 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.3 ⇥ 10�11 2.2 ⇥ 10�12

w2 HEGRA 100.7 – 9.0 ⇥ 10�13

RA = 19h09m40s
H.E.S.S. 60.8 3.2 ⇥ 10�13 7.6 ⇥ 10�14

Dec = 05�0201300
(r = 0.07�) MAGIC 7.8 1.4 ⇥ 10�11 2.6 ⇥ 10�12

Notes. The results obtained with HEGRA (Aharonian et al. 2005) are
also included for comparison. Columns denote from left to right: the re-
gion of study (with coordinates and extension radius for the interaction
regions) IACT instrument, e↵ective exposure time, energy threshold for
the UL calculation, and integral flux UL computed at 99% C.L.

57�, with an average of 35�–38� depending on the region. The
total exposure time varies from region to region (see Table 2).

3.2. Analysis

Data analysis was performed following the standard analysis
procedure for each of the two instruments (see Aharonian et al.
2006a, for H.E.S.S.; and Aleksić et al. 2016, for MAGIC
analysis details). The imaging technique is based on the
parameterization of the images formed in the camera plane in
order to extract the information contained in the shower with
the Hillas parameters (Hillas 1985). The signal extraction was
performed by the reconstruction and calibration of the size and
arrival time of the Cherenkov pulses. The event reconstruction
was obtained by image cleaning and shower parameterization,

whereas the signal and background discrimination and energy
estimation were obtained by comparison of the Hillas param-
eters with look-up tables for a given shower intensity and im-
pact distance (see Aharonian et al. 2006a; Aleksić et al. 2012a),
or by training an algorithm to perform gamma/hadron separa-
tion via the random forest (RF) method (Albert et al. 2008). The
event direction was derived in stereoscopic observations from
the intersection of the major axes of the shower images in mul-
tiple cameras. Finally, the signal was extracted geometrically
from the angular distance ✓2; i.e. the angular distance between
the source position and the estimated source position for a given
event. The signal is then determined by an upper cut in these
angles, since gamma rays are reconstructed with small angles
and the background follows a featureless, almost-flat distribu-
tion. For the H.E.S.S. analysis, an independent cross-check with
the model analysis technique (de Naurois & Rolland 2009) was
performed, making use of an independent calibration procedure
of the raw data, with both the analysis chains providing compat-
ible results. Standard cuts were used, where a cut of 60 photo-
electrons on the intensity of the extensive air showers is applied,
providing a mean energy threshold of ⇠287 GeV for the anal-
ysis reported here. The energy threshold reached by MAGIC
is 150 GeV. A point-like source was assumed for the analysis
of SS 433. The interaction regions display extended emission
at lower energies. To account for such extension, the MAGIC
and H.E.S.S. analyses were optimized assuming a source radius
(✓-cut) of 0.05�, 0.17�, 0.25�, 0.07�, and 0.07� for e1, e2, e3,
w1, and w2, respectively, derived from the extension of these re-
gions observed at X-ray energies (see e.g. Safi-Harb & Ögelman
1997; Safi-Harb & Petre 1999; Aharonian et al. 2005, and refer-
ences therein).

3.3. Results

The H.E.S.S. and MAGIC observations reported here do not
show any significant VHE emission either for the central source
SS 433 or for any of the interaction regions with the W50 neb-
ula e1, e2, e3, w1, and w2 (see Fig. 1). Integral upper limits
Rolke et al. (2005) have been calculated at E � 300 GeV and at
E � 800 GeV; the latter allows for a comparison with previous
results on the source reported by the HEGRA (Aharonian et al.
2005) Collaboration. The results are summarised in Table 2.
A day-by-day analysis of the H.E.S.S. and MAGIC data sets
was also performed without any signature of significant emis-
sion, which could suggest a flaring episode during the dates of
observation.

The H.E.S.S. and MAGIC observations were used to com-
pute the di↵erential flux upper limits for the VHE emission
from the central binary system at orbital/precession phases
where absorption should be at its minimum. These limits were
computed through a maximum-likelihood ratio test applied to
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Fig. 1. Significance map, derived from the H.E.S.S. data, for the FoV
centred at the position of SS 433/W50 at E � 287 GeV. GB6 4.85 GHz
radio contours (white, from Gregory et al. 1996) are superimposed.
Cyan circles indicate the positions of the interaction regions e1, e2, e3
(eastern “ear”) and w1, w2 (western “ear”). The bright source located
north-west of SS 433 is MGRO J1908+06 (Abdo et al. 2007).

the combined data sets obtained by both observatories. Events
in the signal region (nON) and in the background control regions
(nOFF) from each instrument are collected in addition to the ratio
of the areas in the signal and the background regions (↵), e↵ec-
tive area (Ae↵) and e↵ective observing time te↵ corresponding
to the observations of each instrument. A likelihood profile is
then computed in each studied energy bin (�Ei) for both the sig-
nal and background distributions. Systematic uncertainties are
accounted for through the inclusion of additional likelihood pro-
files for the distributions of ↵, Ae↵ , and energy resolution, as-
suming systematics at the level of �↵ = 10%, �Ae↵ = 15%, and
�Ei = 15% for the measurements of these quantities by each
instrument (Aharonian et al. 2006a; Aleksić et al. 2016). The in-
clusion of these systematics results in an enhancement by ⇠15%
to 30% on the final combined di↵erential flux upper limit val-
ues, depending on the studied energy bin. To obtain the final
combined di↵erential flux upper limits, a likelihood ratio test is
employed assuming a given range of values for the normaliza-
tion factor of the gamma-ray di↵erential spectrum, N0. From
the maximum of the likelihood profile, a 95% confidence in-
terval for the di↵erential upper limit in each energy bin �Ei is
derived through dN/dE = N0 ⇥ E��, where a fixed spectral in-
dex � = 2.7 was assumed. The final di↵erential upper limits are
shown in Fig. 2, both for each instrument and the combined val-
ues, together with the Crab nebula flux, for reference, and the
theoretical predictions on the gamma-ray flux from SS433 ex-
pected at low-absorption precession phases  2 [0.9, 0.1] by
Reynoso et al. (2008b).

4. Discussion

The H.E.S.S. and MAGIC observations reported here do not
show any significant signal of VHE emission from SS 433/W50.
The variable absorption of a putative VHE gamma-ray flux emit-
ted from the inner regions of the binary system, which could be
responsible for this non-detection, is accounted for in this study
by selecting observations corresponding to precession/orbital
phases where this absorption should be at its minimum. The
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Fig. 2. Di↵erential flux upper limits (95% C.L.) from SS 433 obtained
with MAGIC (blue), H.E.S.S. (green) and a combination of both tele-
scopes (red) assuming a power-law with a spectral index � = 2.7 for the
di↵erential gamma-ray flux. The predicted di↵erential gamma-ray flux
from Reynoso et al. (2008b) for precessional phases  pre 2 [0.9, 0.1]
in which absorption of VHE emission should be at its lower level is
also displayed (dashed orange), together with the Crab Nebula flux, for
reference (from Aleksić et al. 2012b).

combination of the MAGIC and H.E.S.S. observations in
addition provides a relatively wide coverage of the relevant pre-
cession phases from 2006 to 2011. If a long-term super-orbital
variability exists in SS 433 with timescales of ⇠few years, for
example related to a varying jet injection power or the chang-
ing conditions of the absorber in the surroundings of the central
compact object, such variability does not result in an enhance-
ment of the TeV flux up to the detection level of current IACTs.

While SS 433 remains undetected at VHE, the system dis-
plays non-thermal emission at lower energies along the jets
and/or at the SS 433/W50 interaction regions, which ensures
the presence of an emitting population of relativistic particles
in the system. In particular for the eastern nebula interaction
sites, the observed synchrotron X-ray emission implies the pres-
ence of for example up to multi-TeV electrons in these regions
(Safi-Harb & Petre 1999).

By considering in detail the photon and matter fields both
from the companion star and accretion/circumstellar disks,
gamma-ray fluxes from SS 433/W50 have been predicted at a
level of ⇠10�12–10�13 ph cm�2 s�1 (see e.g. Band & Grindlay
1986; Aharonian & Atoyan 1998; Reynoso et al. 2008b).
Reynoso et al. (2008b) consider in particular pp interactions
between relativistic and cold protons in SS 433 jets during
low-absorption precession/orbital phases, producing gamma-ray
fluxes at E� � 800 GeV during these precession phases at
a level of �VHE ⇡ 2.1 ⇥ 10�12 ph cm�2 s�1. The general
framework used to derive the relativistic proton distribution in
Reynoso et al. (2008b) has been revised by Torres & Reimer
(2011), who report significant deviations of these proton fluxes
for jets displaying large Lorentz factors and/or small viewing
angles, for example blazar jets and gamma-ray bursts. In
SS 433, with a moderate jet Lorentz factor of 1.036 (v = 0.26 c;
Abell & Margon 1979) and a relatively large jet viewing angle,
⇠78� (Eikenberry et al. 2001), the correction factor on the fluxes
predicted by Reynoso et al. (2008b) could be a↵ected at the
level of ⇠20%. The gamma-ray flux predicted by Reynoso et al.
(2008) depends on the e�ciency in transferring jet kinetic en-
ergy to the relativistic proton population, qp, which is treated in
their model as a free parameter. Using the HEGRA upper limits
to the VHE gamma-ray flux from SS 433, qp is constrained to
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the Galactic plane. The ROI also removes significant spatially extended 
emission from the nearby γ-ray source MGRO J1908+06. The spatial 
distribution and spectrum of γ-rays from MGRO J1908+06 are fitted 
using an electron diffusion model23, and point-like sources centred 
on e1 and w1 are fitted on top of this extended emission. As a sys-
tematic check, the regions are also fitted using X-ray spatial templates 
and extended Gaussian functions. Neither improves the statistical  
significance of the fits. Upper limits on the angular size of the emission 
regions are 0.25° for the east hotspot and 0.35° for the west hotspot 
at 90% confidence. Given the distance to the source of 5.5 kpc, this 
corresponds to a physical size of 24 pc and 34 pc, respectively. The 
constraint is tighter on the eastern hotspot owing to its higher statistical 
significance.

The VHE γ-ray flux is consistent with a hard E− 2 spectrum, though 
current data from HAWC are not of sufficient significance to constrain 
the spectral index. Therefore, we report the flux of both hotspots at  
20 TeV, at which systematic uncertainties due to the choice of spectral 
model are minimized and the sensitivity of HAWC is maximized.  
At e1, the VHE flux is . . . ×− .

+ .
− .
+ . − − − −2 4 (stat ) (syst ) 10 TeV cm s0 5

0 6
1 3
1 3 16 1 2 1, 

and at w1 the flux is . . . ×− .
+ .

− .
+ . − − − −2 1 (stat ) (syst ) 10 TeV cm s0 5

0 6
1 2
1 2 16 1 2 1. 

HAWC detects γ-rays from the interaction regions up to at least 25 TeV. 
The energies of these γ-rays are a factor of three to ten higher than 
previous measurements from microquasars24,25. Since most γ-ray  
telescopes are optimized for measurements below 10 TeV, this may 
explain why these photons were not observed in previous observational 
campaigns.

The γ-rays detected by HAWC are produced by radiative or decay 
processes from particles of much higher energy. The detection yields 
important information about the mechanisms and sites of particle 
acceleration, the types of particles accelerated (for example, protons 
or electrons), and the radiative processes that produce the spectrum of 
emission from radio to VHE γ-rays. Two scenarios for explaining the 

HAWC observations of the e1 and w1 regions can be tested. The first is 
that protons are primarily responsible for the observed γ-rays. Protons 
must have an energy of at least 250 TeV to produce 25-TeV γ-rays 
through hadronic collisions with ambient gas. Proton–proton collisions 
yield neutral pions (π0) that decay to VHE γ-rays, and charged pions 
(π±) that decay to the secondary electrons and positrons responsible 
for radio to X-ray emission via synchrotron radiation. This scenario is 
of particular interest because there is spectroscopic evidence for ionized 
nuclei in the inner jets of SS 4338,26. The alternative scenario requires 
electrons of at least 130 TeV to up-scatter the low-energy photons from 
the cosmic microwave background (CMB) to 25-TeV γ rays. In this 
case, the radio to X-ray emission is dominated by synchrotron radia-
tion from the same population of electrons in the magnetized plasma 
of the jets and lobes.

The fact that the VHE emission is detected along a line of sight 
nearly orthogonal to the jet axis means that charged particle trajecto-
ries become isotropic before they interact to produce the γ-rays. The 
embedded magnetic fields in the VHE regions can easily deflect the 
accelerated particles because their typical gyroradii are much smaller 
than the size of the emission regions, approximately 30 pc. The jets are 
only mildly relativistic, so the emission from the interaction regions will 
have a negligible Doppler beaming effect and remain nearly isotropic.

The flux of VHE γ-rays observed by HAWC makes the proton sce-
nario for SS 433 unlikely, because the total energy required to produce 
the highly relativistic protons is too high. The jets of SS 433 are known 
to be radiatively inefficient, with most of the jet energy transformed 
into the thermal energy of W5016,27 rather than into particle accelera-
tion. We model the primary proton spectrum as a power law with an 
exponential cutoff, / ∝ − /−N E E Ed d exp( 1 PeV)p p

2
p . If we assume that 

10% of the jet kinetic energy converts into accelerated protons, and that 
the ambient gas density16,27 is 0.05 cm− 3, then the resulting flux of 
γ-rays from proton–proton collisions is much less than the observed 
γ-ray flux, as shown in the dash-dotted line of Fig. 2. In fact, for a target 
proton density as large as 0.1 cm− 3 in the e1 region16,27, the total energy 
of the proton population needs to be around 3 × 1050 erg to explain the 
observed γ-rays, assuming an γ

−E 2 spectrum. This is comparable to the 
total jet energy available during the presumed 30,000-year lifetime2 of 
SS 433. Furthermore, because the synchrotron emission from second-
ary electrons from charged pion decay is always lower than the γ-ray 
flux from π0 decay, and the observed X-ray flux is higher than the γ-ray 
flux, the X-rays cannot originate solely from secondary electrons. 
Finally, the proton scenario requires that the protons remain trapped 
in the region observed by HAWC for the lifetime2 of SS 433. This means 
the protons must diffuse very slowly, with a diffusion coefficient of 
about 1/1,000 of the typical value28 of the interstellar medium (ISM), 
DISM ≈ 3 × 1028 (E/3 GeV)1/3 cm2 s− 1. This value, comparable to the 
theoretical Bohm limit, is very small but not impossible. Given the 
uncertainties in the historical jet flux, the ambient particle density and 
the radiative efficiency, we cannot exclude the possibility that some 
fraction of the γ-ray flux is produced by protons. However, we do rule 
out the possibility that the VHE γ-rays are entirely produced by 
protons.

Highly relativistic electrons, on the other hand, can produce γ-rays 
much more efficiently, primarily via inverse Compton scattering of 
CMB photons to γ-rays. The inverse Compton losses due to upscatter-
ing of infrared and optical photons are suppressed owing to the Klein–
Nishina effect and are thus dominated by scattering of CMB photons29. 
In this scenario, the ratio of the VHE γ-ray to X-ray fluxes constrains 
the energy density in the magnetic field compared to the energy density 
in CMB photons. We have modelled the broadband spectral energy 
distribution of the eastern emission region 15′ to 33′ from the  
centre of SS 433. The solid and dashed lines in Fig. 2 show the spectral 
energy distribution of a leptonic model for e1 produced by an  
injected flux of relativistic electrons with an energy spectrum 

/ ∝ − /α−dN dE E E Eexp( )max  in a magnetic field of strength B. We use 
the parameters α = 1.9, Emax = 3.5 PeV, and B = 16 µG (see Methods). 
The estimate of the magnetic field strength is consistent with the 
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Fig. 1 | VHE γ-ray image of the SS 433/W50 region in Galactic 
coordinates. The colour scale indicates the statistical significance of 
the excess counts above the background of nearly isotropic cosmic rays 
before accounting for statistical trials. The figure shows the γ-ray excess 
measured after the fitting and subtraction of γ-rays from the spatially 
extended source MGRO J1908+06. The jet termination regions e1, e2, e3, 
w1 and w2 observed in the X-ray data are indicated, as well as the location 
of the central binary. The solid contours show the X-ray emission observed 
from this system.
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• e1 + w1 int. regions: ~ 5.4σ (post-trials)
• photons with at least 20 TeV energies
• TeV flux consistent with E-2 spectrum, Lγ ~ 1.4×1032 erg/s
• no emission from the central system 

HAWC Collaboration 2018
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equipartition of energy between the relativistic electrons and magnetic 
fields, which is common in astrophysical systems16. The required total 
energy budget for relativistic electrons is three orders of magnitude 
lower than the total jet energy.

The maximum electron energy of about 1 PeV has important 
implications for electron acceleration sites and acceleration mech-
anisms in SS 433. SS 433 is distinguished from other binary systems 
with relativistic objects because it achieves a supercritical accretion 
of gas onto the central engine (the compact object)2. Powerful accre-
tion flows and the inner jets near the compact object have therefore 
been proposed as possible acceleration sites of relativistic particles26. 
However, the observation from HAWC suggests that ultrarelativistic 
electrons are not accelerated near the centre of the binary. If the 
electrons were accelerated in the central region, they would have 
cooled by the time they reached the sites of observed VHE emission. 
Owing to their small gyroradii, high-energy electrons may transport 
in a magnetized medium via diffusion or advection. The distance 
travelled via diffusion within the cooling time tcool of an electron  
of energy E  moving in a magnetic field of strength B is 

= ≈ / / µ− / −r Dt E B2 36 pc ( 1 PeV) ( 16 G)d cool
1 3 1 , using the diffusion 

coefficient D typical of the ISM28. This distance would be even smaller 
for diffusion coefficients lower than the ISM value. Similarly, the dis-
tance travelled by electrons being advected with the jet flow is 

= . × ≈ / / µ− −r c t E B0 26 4 pc ( 1 PeV) ( 16 G)adv cool
1 2  for a jet velocity of 

0.26c. Both distance scales are smaller than the 40-pc distance between 
the binary and e1, indicating that the electrons are not accelerated near 
the centre of the system.

Instead, the highly energetic electrons in SS 433 are probably accel-
erated in the jets and near the VHE γ-ray emission regions. This pre-
sents a challenge to current acceleration models. For example, particle 
acceleration may be driven by the dissipation of the magnetic fields 
in the jets, but above several hundred teraelectronvolts the electron 
acceleration time exceeds the electron cooling time, assuming a 16-µG 
magnetic field. Thus, the system does not appear to have sufficient 
acceleration power, unless there are very concentrated magnetic fields 
along the jets. If instead particle acceleration is driven by standing 
shocks produced by the bulk flow of the jets, it is possible to reach 

petaelectronvolt energies if the size of the acceleration region is larger 
than the gyroradii of the electrons. However, shocks in the interaction 
regions are not currently resolved by X-ray or γ-ray measurements.

Studies of microquasars such as SS 433 provide valuable probes of 
the particle acceleration mechanisms in jets, since these objects are 
believed to be scale models of the much larger and more powerful jets 
in active galactic nuclei30. Active galactic nuclei are the most prevalent 
VHE extragalactic sources and are believed to be the sources of the 
highest-energy cosmic rays. Although active galactic nuclei are not 
spatially resolved at VHE energies, with this observation we have iden-
tified a VHE source in which we can image the particle acceleration 
powered by jets. Future high-resolution observations of SS 433 are 
possible using atmospheric Cherenkov telescopes pointed to localize 
the emission sites better, and further high-energy measurements with 
HAWC will record the spectrum at high energies and better constrain 
the maximum energy of accelerated particles.
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Fig. 2 | Broadband spectral energy distribution of the eastern emission 
region e1. The data include radio14, soft X-ray15, hard X-ray16 and 
VHE γ-ray upper limits19,20, and HAWC observations of e1. Error bars 
indicate 1σ uncertainties, with the thick (thin) errors on the HAWC flux 
indicating statistical (systematic) uncertainties and arrows indicating 
flux upper limits. The multiwavelength spectrum produced by electrons 
assumes a single electron population following a power-law spectrum 

with an exponential cutoff. The electrons produce radio to X-ray photons 
through synchrotron emission in a magnetic field (thick solid line) and 
teraelectronvolt γ rays through inverse Compton scattering of the CMB 
(thin dashed line). The dash-dotted line represents the radiation produced 
by protons, assuming that 10% of the jet kinetic energy converts into 
protons.
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hadronic scenario  
- Wp ~ 3×1050 erg; Ljet × τSS433 ≈ 9×1050 erg  
- Φsync > Φγ => sync not from secondaries

leptonic scenario  
- IC on CMB (opt/NIR suppressed: KN) 
- relatively “cheap”: We ~3×1047erg  
- Φsync/Φγ => B-field ≈ 16μG 

SS433 at VHE gamma-rays



the X-ray bright spot and the very recent HAWC detection in
the western lobe of W50 (Safi-Harb & Ögelman 1997;
Abeysekara et al. 2018), making our results more convincing
than that reported in Bordas et al. (2015). No variability or
extendedness was found for the emission in our analysis. With
a source distance of 5.5 kpc, the γ-ray luminosity is 1.8×
1034 erg s−1. This luminosity is much lower than the kinetic
energy power of the jets, which is at a level of ∼1039 erg s−1

(Marshall et al. 2002), indicating that there is sufficient energy
to power the γ-ray emission.

The GeV γ-ray spectrum is very steep with Γ∼6.0 from
300MeV to 1.8 GeV, suggesting that the detected emission
should be an edge of an emission component. The flux is
higher than that at ∼20 TeV from the HAWC observation and
that of their leptonic model at GeV energies (see Figure 3;
Abeysekara et al. 2018), raising a question about how to
explain the Fermi measurements. The broadband SED for the
w1 region is thus constructed by including the HAWC TeV
(Abeysekara et al. 2018), X-ray (Safi-Harb & Ögelman 1997),
and radio (Geldzahler et al. 1980) measurements. In addition,
we also include the VHE upper limits obtained with H.E.S.S.
(deeper ones at ∼TeV energies; MAGIC Collaboration et al.
2018).

The leptonic model considered in Abeysekara et al. (2018) to
explain the SED of the e1 region obviously cannot fit the
detected GeV spectrum, lower by an order of magnitude (see
Figure 3). Here we also first construct a leptonic model, in

which energetic electrons produce γ-rays by the IC process of
scattering the CMB photons, and emissions from radio to X-ray
or γ-ray via the synchrotron process. The radiation cooling,
mainly due to synchrotron radiation, is included. The current
energy distribution of the electrons dN/dEe is described by
dN dE E E Eexpe e e c e,

eµ -a- ( ), where Ec,e is the cutoff energy
and αe is the index of the power-law energy distribution. The
index becomes αe+1 if Ee is greater than the break
E B t17 5 G 30 kyrbre

2
age

1m= - -( ) ( ) TeV (Tanaka et al.
2008). In this case, the GeV and TeV γ-rays cannot
simultaneously originate from the IC process. In order to
match the observed data, the GeV γ-rays should be of
synchrotron origin in a magnetic field of B=5μG, while
the TeV γ-rays be contributed by the IC radiation (black curve,
Model 1 in the top panel of Figure 3). This requires the injected
electron spectrum has a hard index αe=1.5 and a very large
cutoff energy Ec,e=28 PeV. The total energy in electrons with
energy above 1 GeV is We=0.7×1046 erg, which is much
lower than the total energy (∼9×1051 erg) deposited in the
jets during the timescale tage=30 kyr. However the model
fails to explain the 2.6 GHz radio fluxes detected in the western
region (Geldzahler et al. 1980).
A model similar to that in Abeysekara et al. (2018) can be

constructed, which can fit the radio measurements (red curve,
Model 2 in the top panel Figure 3). In this model, αe=1.9,
Ec,e=15 PeV, and B=20μG. The problem of this model is
that it gives an order of magnitude higher X-ray fluxes than the
observed. Because latter X-ray observations of the e1 region
have shown higher fluxes (Safi-Harb & Petre 1999; Brinkmann
et al. 2007) than that reported from the ROSAT and ASCA
observations (Safi-Harb & Ögelman 1997), we search for
similar archival X-ray data, but unfortunately there is only one
Chandra imaging observation of the w2 region (Observation
ID is 3843 and the exposure time is 71 ks). The analysis of the
data from this observation gives a 0.6–6 keV luminosity of
∼2×1034 erg s−1, only slightly higher than that given in Safi-
Harb & Ögelman (1997). Therefore there is no observational
evidence, even indirect one, that would support Model 2 at
X-ray energies.
We test to include a hadronic process in which the γ-rays are

generated in the collision between relativistic protons and the
ambient gas. The protons are also assumed to have a power-law
energy distribution dN dE E Eexp 3 PeVp p p

pµ -a- ( ). We find
that this population of protons also fail to simultaneously
explain the GeV and TeV γ-ray fluxes. Thus, we add a leptonic
component with a fixed spectral index of αe=2.0 at injection
and construct a lepton-hadron hybrid model. In this case,
the GeV γ-ray emission is due to the hadronic process with
proton index αp =2.9, and the X-ray and TeV γ-rays are of
leptonic origin (black curve, Model 3 in the bottom panel
Figure 3), requiring Ec,e=2.5 PeV, B=5μG and
We=4.8×1046 erg. This model also fails to explain the
radio flux, and has a high total energy in protons W 3p= ´

n10 1 cm50 3 1- -( ) erg, which is comparable to the total jet
energy even if the density of the ambient target gas is as high as
∼1 cm−3 (see also arguments against a hadronic scenario in
Abeysekara et al. 2018). Therefore this hybrid model may be
excluded due to these problems.
Finally, we also test to replace the hadronic component in

Model 3 with a relativistic thermal electron population (Model
4). This model is based on the results in the particle-in-cell
simulations of relativistic shocks (Spitkovsky 2008). In order to

Figure 3. Fermi LAT spectral energy distribution of the western emission
region w1 in W50 (open squares). Also included are the HAWC flux at 20 TeV
(black dot; Abeysekara et al. 2018), H.E.S.S. 0.3 and 0.8 TeV upper limits
(pink crosses; MAGIC Collaboration et al. 2018), ROSAT and ASCA flux
(black bow-tie; Safi-Harb & Ögelman 1997), and radio fluxes estimated for w1
(open circle; Geldzahler et al. 1980). For comparison, the leptonic model for
the eastern emission region e1 given in Abeysekara et al. (2018) is shown as
the gray curve and the GeV flux upper limits on the e1 region are shown as a
green curve. Top panel: our leptonic Model 1 and 2 are indicated by the black
and red curves respectively (see Section Discussion for details). Bottom panel:
the hybrid Model 3 is indicated by the black curve, in which the emission
component from the hadronic process is shown as the blue dashed curve, and
Model 4 is indicated by the red curve, in which a relativistic Maxwellian
component of electrons is included.
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SS433 at GeV and VHE gamma-rays

model 1: pure leptonic 
- radio/X-ray/GeV = sync, TeV = IC  
- ExpCPL, αe = 1.5, B = 5μG, Ec = 30 PeV  
- radio flux grossly off

model 2: pure leptonic 
- radio/X-ray/GeV = sync, TeV = IC  
- ExpCPL, αe = 1.9, B = 20μG, Ec = 15 PeV  
- X-ray flux 10 x too large

model 3: + hadronic component 
- ExpCPL: αp = 2.9, Ec,p = 3.0 PeV 
- fails to fit radio flux 
- Wp = 3 x1050 erg ~ Ljet x lifetime (n = 1)

model 4: + rel. Maxwellian + PL  
- 2D Maxwellian, Epeak = 50 GeV 
- radio index not explained  

Xing+ 2019



SS433 @ HEs: 2.9σ precession variability  
   => central system (Reynoso+ 2008) 
- hints for extension => two-components?  
- sharp peak at ~250 MeV: pp signature?  
  Heinz & Sunyaev 2002

SS433 @ VHEs: first probe for large-scale jet/
medium interaction regions in μQs Aharonian & 
Atoyan 1998, Bosch-Ramon+ 2005, Bordas+ 2009
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Fig. 7. Toy model of the microquasar contribution to the CR spec-
trum, for a single microquasar situated in a low mass X-ray binary,
active for τ ∼> 1.5 × 107 yrs on the level of 3 × 1038 ergs s−1 (simi-
lar to GRS 1915+105), and at a distance of 1 kpc. For simplicity, we
assumed the source was operating with uniform bulk Lorentz factor
Γjet = 5 (top) and Γjet = 2.5 (bottom). The curves are normalized rel-
ative to the measured differential Galactic CR background spectrum
(thick grey dashed line). Shown are the same curves as in Fig. 5: nar-
row feature for upstream temperature of T ∼ 7 × 1010 K (dotted line)
and for T ∼ 7 × 108 K (solid line), Maxwellian with kT ∼ Γjet mp c2/3
(dashed line), multiply scattered component for efficient pitch angle
scattering (dash-dotted line) and for inefficient pitch angle scatter-
ing (dash-triple-dotted line), and the relative contribution of heavy
elements for metallicity 10 times the solar value (long-dashed grey
curve), as seen in GRO J1655-40 and V4641 Sgr. Each spectral com-
ponent has been steepened by E−1/2 to account for the energy depen-
dence of the diffusion coefficient.

AMS 02, we can estimate the detectability of spectral features
such as produced by microquasars. The rigidity resolution (i.e.,
energy resolution) of the instrument is expected to be around
2% in the crucial range from 1 to 10 GeV, which will easily be
sufficient to identify and resolve even the narrowest feature in
Fig. 7.

For an effective area of order 0.4 m2 sr, the expected total
CR proton count rate by AMS 02 in the energy range from 1 to
10 GeV should be of the order of 103 s−1. At 2% energy reso-
lution, this implies a detection rate of about 2 × 108 yr−1 bin−1,
with a relative Poisson-noise level of order 10−4. Calibration
and other systematic errors will likely dominate the statistics,
however, these numbers are encouraging, and we expect that a
source at the few-percent level will be detectable with AMS 02.

The heavy element sensitivity of AMS 02 will share sim-
ilar characteristics: for the same energy resolution and effec-
tive area, the detection rates of carbon and iron, for example,
should be of order 4 × 105 s−1 bin−1 and 4 × 104 s−1 bin−1 re-
spectively. Aside from AMS 02, signatures might be detected
by other instruments, and even existing data sets might contain
signals. Identification would require scanning these data with
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Fig. 8. Toy model for the gamma ray signature produced in a
microquasar CR halo via pion decay (including π0 decay and
bremsstrahlung from secondary electrons and positrons). Curves were
calculated assuming a source active for over τ ∼> 15 × 106 yrs with an
average power of Lkin = 3 × 1038 ergs s−1, at a distance of 10 kpc, and
for an ISM particle density of 1 cm−3, assuming CRs are lost once they
have reached the edge of the Galactic disk at about 1 kpc distance from
the source. Labes according to Fig. 5. Dotted line: Gamma ray signa-
ture from narrow component of the microquasar halo; dashed line:
from thermalized component; dash-dotted line: from “powerlaw type
component” in the case of efficient scattering; dash-triple-dotted line:
from “powerlaw type component” in the case of inefficient scattering.
Thick grey line: EGRET diffuse gamma ray background at the posi-
tion of GRS 1915+105 (Hunter et al. 1997), assuming the same solid
angle as subtended by the source. Thick long dashed line: background
gamma ray emission over the same solid angle modeled assuming the
proton CR spectrum measured near earth and an average ISM density
of 1 cm−3. Hatched line: GLAST sensitivity. Models were computed
using the GALPROP routines by Moskalenko & Strong (1998). Insert:
Angular dependence of the source contribution to the gamma ray flux
Fν, relative to the background flux Bν at a photon energy of 1 GeV
(see Eq. (8)). The right Y-axis shows the source distance at which
the GLAST sensitivity is reached for the value of Fν/Bν shown in the
curve, the top X-axis shows the angle θ = r/D in units of arcmin/D10

where D10 is the source distance in units of 10 kpc.

high spectral resolution. Note that the effects of solar modula-
tion will broaden any narrow spectral component significantly.
Results by Labrador & Mewaldt (1997) demonstrate that a line
at ∼5 GeV will be broadened by ∼1 GeV, (less at higher ener-
gies) though this effect will be reduced at solar minimum.

4.3. Gamma-ray emission from pion decay

As the CRs produced in microquasars travel traverse the
Galaxy, they will encounter the cold ISM. The interaction of
a CR proton (by far the most abundant and thus most energetic
component of the CR spectrum) with a cold ISM proton can
lead to secondary particle production and to the emission of
gamma rays via several channels, the most important of which
is π0 decay.

  H
einz &

 Sunyaev 2002
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 microquasars: the case of SS433

 gamma-ray binaries: the case of PSR B1259-63 

 runaway PWNe: the case of IGR J11014-6103



Gamma-ray binaries  
@ HEPRO VII •  Searching for gamma-ray binaries with Gaia - I. Ayan

•  The pulsar sequence - C.  Kalapotharakos 
•  GX 301-2 with X-Calibur - M. Errando

Broad-band Emission from Gamma-ray Binaries Josep M. Paredes

Table 1: Upated GBs table containing some of the main observational properties corresponding to the seven
systems known so far. Sources are distinguished in terms of the spectral properties of the non-degenerate
companion star present in the system, displaying or not emission lines associated to the presence of a
circumstellar disk. A brief description of their phenomenological behaviour from radio to VHEs is also
included (see footnote for details). Question marks are placed there where the nature of the compact object
is still unknown, and where hints for periodicity or radio morphological structures need to be observationally
confirmed.

Name System Orbital Radio Multi-wavelength periodicity
type period structure

(d) (AU) Radio X-ray GeV TeV

Emission line star companion

PSR B1259�63 O9.5 Ve + NS 1237 Cometary tail P P P P
⇠ 120

LS I +61 303 B0 Ve + ? 26.5 Cometary tail ? P P P P
⇠ 10 � 700

HESS J0632+057 B0 Vpe + ? 320 Elongated V P P? P
⇠ 60

PSR J2032+057/MT91 213 Be + NS 40-50 yr ? D D D D

Non-Emission line star companion

LS 5039 O6,5 V((f)) + ? 3.9 Cometary tail ? p P P P
10 � 1000

1FGL J1018.6�5856 O6,5 V((f)) + ? 16.5 ? P P P P
CXOU J053600.0�673507 O5 III + NS? 10.3 ? P P P D

(LMC P3)
Note: P: Periodic emission, p: Persistent emission, V: Variable emission, D: Detected

des et al. 2000). Later VLBI observations covering the orbit showed however periodic changes
in the source radio morphology (Moldón et al. 2012), which were interpreted instead as a signa-
ture of a young non-accreting neutron star interacting with the wind of a massive O-type stellar
companion (Dubus 2006). In the case of1FGL J1018.6�5856, the source displays compact radio
emission on milliarcsecond scales. Extended emission on these angular scales has not been yet de-
tected, mostly due to observational constraints, but more sensitive observations may lead to detect
extended emission originating from the putative cometary tail as observed in other GBs (see e.g.
Marcote et al. 2018). ATCA observations of CXOU J053600.0�673507 show a modulation of the
radio flux densities on the gamma-ray period and a point-like source (Corbet et al. 2016). Higher
resolution observations are needed for the source to be resolved.

3. Broad-band emission processes in GBs

As summarised in Sect. 2, GBs have been observed to emit in the whole electromagnetic spec-
trum, from radio to VHE gamma-rays. Several non-thermal radiation processes can explain such
emission. On the one hand, leptonic mechanisms including synchrotron, Inverse Compton (IC)
and thermal/relativistic Bremmstrahlung can be very efficient processes in the GB framework. The

5

known gamma-ray binaries

gamma-ray binaries: a (slowly) growing class of gamma-ray emitter in the Galaxy

Paredes & Bordas (2019)
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Figure 1. Orbital light curves of PSR B1259−63 around periastron for several passages. Panel a: observations by H.E.S.S. in the E > 1 TeV energy range
for the 2004, 2007, and 2010 periastron passages (Aharonian et al. 2005, 2009; H.E.S.S. Collaboration et al. 2013). Flux is given in 10−12 cm−2 s−1. Panel b:
Fermi-LAT flux measurements in the E > 100 MeV energy range for the 2010 periastron passage. Flux is given in 10−6 cm−2 s−1.Panel c: X-ray fluxes from
three periastron passages (Abdo et al. 2011b; Chernyakova et al. 2009). Flux is given in 10−11 erg cm−2 s−1. Panel d: Radio (2.4 GHz) flux densities measured
at ATCA for the 2010, 2004 and 1997 periastron passages (Abdo et al. 2011b; Johnston et al. 2005, 1999). Dashed lines correspond to the periastron and to the
moments of disappearence (last detection) and reappearence (first detection) of the pulsed emission. Panel e: Evolution of the equivalent widths of Hα (filled
circles) and He I λ6678 (open circles). W6678 is shown multipled by a factor of 100 for easier comparison to WHα.

estimate of the 1-σ uncertainty in position, which turns out to be
0.2 mas in right ascension and 0.4 mas in declination. The cross
plotted in Fig. 2 represents five times these values to be on the
conservative side, given the unmodeled uncertainties related to the
self-calibration processes.

The extended emission has a total size of ∼50 mas with a
position angle (P.A.) of approximately −75◦. Visual inspection of
higher-resolution images shows that the structure is dominated by
a bright compact core and a diffuse component. We fitted two com-
ponents to the uv data using the task UVFIT. We found that the
core component is well fitted by a point-like component, whereas
the diffuse emission is described by a circular Gaussian component

with a FWHM of 20 mas located at −32.0 ± 0.2 and 8.7 ± 0.2 mas
from the peak of the emission in right ascension and declination,
respectively.

3 OPTICAL SPECTROSCOPY

Spectroscopic observations of LS 2883, the optical counterpart of
PSR B1259−63, were performed with the CTIO 1.5m telescope,
operated by SMARTS, between UT dates 2010 December 5 and
2011 May 17. We used the RC spectrograph in service observ-
ing mode with the standard SMARTS grating setup 47/Ib (grat-

c⃝ 2013 RAS, MNRAS 000, 1–13

▪ pulsar (P=48 ms, Lsd= 8 ×1035 erg/s ) + O9.5Ve 
star (Lstar= 2.3 × 1038 erg/s) + circumstellar disk 
Johnston+ 1992, Melatos+ 1995, Negueruela+ 2011 

▪ binary system: D = 2.7 kpc, Porb= 3.4 years, 
eccentricity = 0.87, orbital inclination i ~24o 
Miller-Jones et al. 2018) 


▪ variable/periodic emission in radio, optical, X-
rays, GeV and TeV γ-rays, with pulsations seen 
only in radio (and away from periastron)  
Chernyakova+ 2014 


▪ GeV flare in observed with LAT in 2011; 
happening again in 2014 and 2017


PSR B1259-63

PSR B1259-63: a pulsar-powered gamma-ray binary
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Fig. 2: Sliding window light curves and TS values for flares observed by Fermi-LAT in 2010, 2014 and
2017 periastron passages of PSR B1259-63. The shadowed areas indicate the statistical error zones or
the upper limits (at 95% confidence level, when TS value is less than 9). More details can be found in
the text.

To investigate the time lag of an individual γ-ray flare with respect to the one in the last orbital
period, we did a cross correlation calculation using the results from the sliding windows technique. We
found that the 2014 flare is delayed 1.73 ± 0.35 d with respect to the 2010 flare, and the 2017 flare
delayed 3.43± 0.16 d with respect to the 2014 flare within the time window of 30–55 d associated with
the perisatron passage, where the two flares are always present in 2010, 2014 and 2017.

3.2 Spectral Analysis

To carry out spectral analysis of the 2010, 2014 and 2017 periastron passages, we defined time intervals
to denote the different flares. As shown in Table 1 and Figure 1, we define the flare periods as only
positive Fermi-LAT detections (without upper limits) in the continuous light curves in Figure 2. The
spectral parameters derived with standard likelihood analysis are also shown in Table 1.

As shown in Figure 3, all the energy spectra can be represented with a simple power-law. The
spectral indices of the flares in 2010 and 2014 are comparable, but are softer than those in 2017. The
spectral index averaged over flares is about 2.74±0.05 in 2010, 2.78±0.05 in 2014 and 2.58±0.05 in
2017. It is obvious that the spectra became harder for flares in 2017.

4 DISCUSSION

We analyzed the Fermi-LAT data derived from observations of the periastron passages in 2010, 2014
and 2017. We found that the energy spectrum from each flare can be represented with a simple power-
law shape, but with the spectral shape slightly changed. The three γ-ray light curves indicate that, in
each flare there are two main peaks in 2010 and 2014, but 4 peaks in 2017. The first main peaks of 2010
and 2014 are located at around 35 d after the periastron passage, and the two main peaks are delayed in
2014 by roughly 1.7 d with respect to 2010. In the 2017 flare, the source shows a precursor about 10 d
after the periastron passage, but the following two peaks become weaker and lag behind those in 2014
by roughly 3.5 d. The strongest flares in 2017 occurred 58 d and 70 d after the periastron passage.

Chang+ 2018

HE flares from PSR B1259-63

• Unexpected flares observed at HE gamma-rays with LAT in 2010 Abdo+ 2011

• Flares starting 30 days (40 days) after tp in 2010 and 2014 (in 2017), and 
lasting for more than 50 days (70 days in 2017)

• luminosities almost reaching Lγ  ~ Lsd Abdo+ 2011, Caliandro+ 2015

• No counterpart at radio, X-rays or VHEs Chernyakova+ 2014
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Fig. 4: Weekly-binned light curves of the 2004, 2007, 2011, 2014 and 2017 periastron passages. Data from 2004 to 2011
have been reanalysed using the latest software available (same as the one used for the 2014 analysis). A stacked light
curve for all periastron passages in time bins corresponding to one week is also shown, with flux points derived assuming
a photon index of 2.7 for all analyses. Downward arrows are 68% confidence-level upper limits. Vertical dashed lines and
shaded areas are defined as in Fig. 3.

Interval Days from tp / [d] tL / [h] �VHE Signif. �(E > 1 TeV)/
h
10�13 ph

cm
2
s

i

Baseline [�110,�50] [ [71, 99] 45.1 2.5 ± 0.1 12.3� 3.2 ± 0.3

Before 1st Disk Crossing [�49,�25] 23.1 2.7 ± 0.1 19.4� 6.6 ± 0.5

1st Disk Crossing [�24,�6] 30.9 2.7 ± 0.1 19.2� 7.0 ± 0.5

Periastron Passage [�5, 14] 20.1 2.9 ± 0.2 7.7� 2.4 ± 0.4

2nd Disk Crossing [15, 25] 18.5 2.7 ± 0.1 23.0� 11.3 ± 0.7

HE gamma-ray flare [26, 69] 25.8 2.52 ± 0.05 27.4� 11.8 ± 0.6

Table 3: Phase-folded stacking analysis of all available data for dedicated time intervals in which different physical
processes are thought to occur close to periastron passage (see Sect. 4.4 for details). Columns indicate the time range
with respect to periastron passage tp, the total acceptance corrected observation time of the observations, the
significance level of the stacked data set analysis, the photon index �, and integral flux above 1 TeV with statistical
errors only (systematic uncertainties at the level of ⇠20% and ⇠ 0.1 are to be considered for the flux and photon index
values, respectively)

sen around the periastron passage. The time intervals are604
reported in Table 4.605

Photon events in an energy range between 100 MeV and606
500 GeV were extracted from a square region of 28� side,607
centred on the position of the PSR B1259–63/LS 2883 sys-608
tem. The emission from this region of interest (RoI) was609
modelled taking into account all the sources reported in610
the 3FGL catalogue (Acero et al. 2015) within 25� of PSR611
B1259–63/LS 2883, also including the models for the Galac-612
tic and isotropic background emission (gll_iem_V06 and613

ISO_P8R2_SOURCE_V06_v06, respectively). A binned likeli- 614
hood analysis was performed, with sources outside the RoI 615
having all their spectral parameters fixed to the 3FGL val- 616
ues. Sources included in the annulus between 5� and the 617
edges of the RoI had only their spectral normalisation free 618
to vary, while sources within 5� from PSR B1259–63/LS 619
2883 had all their spectral parameters free. The fit was 620
performed twice, taking into account in the second fit only 621
sources with a significance above 2�. All the background 622
sources were then fixed to the values obtained through this 623
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PSR B1259-63

H.E.S.S. observations of periastron passage in 2004, 2007, 2011, 2014 and 2017

complex flux profile, no significant super-orbital variability

high VHE fluxes during HE gamma-ray flare, but no evidence for flares  
(“sudden” flux increase < 2 at 95% CL)

PRELIMINARY

H.E.S.S. collaboration: H.E.S.S. Observations of PSR B1259-63/LS 2883 around the 2010/2011 periastron passage
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Fig. 4. Di�erential energy spectra of the VHE �-ray emission from
PSR B1259-63/LS 2883 for the data collected around the 2004 (blue
squares), 2007 (red triangles), and 2010/2011 (green circles) perias-
tron passages. For the 2004 data the spectrum presented in this paper
is shown. The 2007 spectrum is extracted from Aharonian et al. (2009).

the 2010/2011 observation campaign is compatible with the
flux detected in 2004 at the similar orbital phases. Observation
periods from 2004 and 2007 were separated in time with re-
spect to the periastron position, i.e., observations in 2004 were
performed mainly after and in 2007 mainly before the perias-
tron. Therefore, it was impossible to directly confirm the repet-
itive behaviour of the source by comparing observations of
PSR B1259-63/LS 2883 at the same orbital phases. In this per-
spective, although the 2011 observations do not exactly overlap
with the orbital phases of previous studies, they cover the gap in
the 2004 data post-periastron light curve and the integrated flux
follows the shape of the light curve, yielding a stronger evidence
for the repetitive behaviour of the source.

The spectral shape of the VHE �-ray emission from
PSR B1259-63/LS 2883 around the 2010/2011 periastron pas-
sage is similar to what was observed during previous periastron
passages (Fig. 4). The photon index of 2.92 ± 0.25stat ± 0.2syst
inferred from the 2011 data is well compatible with previous re-
sults. The spectrum measured for the 2011 data can be resolved
only up to ⇤4 TeV, which is explained by a very low statistics at
higher energies due to a short exposure of the source.

4.2. Search for the equivalent “GeV Flare”
in the H.E.S.S. data

The absence of the flux enhancement during the GeV flare at
radio and X-ray wavebands indicates that the GeV flare may
be created by physical processes di�erent from the those re-
sponisble for the emission at other wavelengths. The VHE post-
periastron data obtained with H.E.S.S. around the 2004 peri-
astron passage do not show any evidence of a flux outburst at
orbital phases at which the GeV flare is observed. However,
the H.E.S.S. observations around the 2004 periastron passage
do not comprise the orbital phase when the GeV flare starts.
Moreover, to compare H.E.S.S. 2004 data with the GeV flare ob-
served after the 2010 periastron passage, one has to assume that
the GeV flare is a periodic phenomenon, which may not be the
case. The H.E.S.S. data taken between 9th and 16th of January
in 2011 provide a three-day overlap in time with the GeV flare.
Therefore, it is possible to directly study any flux enhancement
in the VHE band on the time scale of the HE flare. To improve
the sensitivity of the variability search the whole period of the
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Fig. 5. (Top) Integrated photon fluxes above 1 TeV for the pre-flare and
flare periods (see text) are shown as black filled boxes. The dashed hor-
izontal line shows the best fit with a constant. The HE data points above
0.1 GeV as reported by Abdo et al. (2011) are shown as red filled cir-
cles. The flare start date is indicated by the dashed vertical line. The left
axis indicates the units for the VHE flux and the right (red) axis denotes
the units for the HE flux. (Bottom) The spectral energy distribution of
the HE-VHE emission. For the HE emission the overall flare spectrum
is shown as reported by Abdo et al. (2011). Marking of the data points
is the same as in the top panel. Solid lines denote the fit of the Fermi
data only with the power law with exponential cut-o� (red) and the fit
of the H.E.S.S. data only with the power law (black). The dashed black
line denotes the fit of the Fermi (excluding upper limits) and H.E.S.S.
data together with the power law.

H.E.S.S observations was divided into two time periods of al-
most equal length: before (“pre-flare”) and during (“flare”) the
HE flare (see Sect. 3.4). The pre-flare and flare dataset analysis
results are presented in Table 1.

To search for variability, the flux as a function of time
was fitted with a constant, which resulted in a mean flux of
(0.91 ± 0.18) ⇥ 10�12 cm�2 s�1 (black horizontal dashed line in
Fig. 5 top). The fit has a ⇤2-to-NDF ratio of 0.73/1, which cor-
responds to a ⇤2 probability of 0.39, showing no indication for
a flux enhancement. Note that the spectral parameters obtained
by an independent fit of each of the two periods have been used
here.

If one assumes that HE and VHE emission are created ac-
cording to the same scenario, i.e. the same acceleration and ra-
diation processes and sites, then a flux enhancement of the same
magnitude as observed at HEs should be also seen at VHEs. To
investigate this hypothesis, the flare coe⇥cient ⇥ is introduced
as the ratio of the fluxes during the flare period and the pre-flare
period. The ratio of the HE (E > 0.1 GeV) flux averaged over
the three-day interval between (tp + 30 d) and (tp + 32 d) to the
upper limit on the HE pre-flare emission (see Fig. 5 top) yields
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• Comptonisation of un-shocked pulsar wind (Khangulyan et al. 2007, 2012). 

• Circumstellar disk: feed with additional photon field (van Soelen et al. 2012)

• Doopler boosted emission from shocked pulsar wind (Bogovalov et al. 2012, Kong et al. 2012)

• Up-scattering of X-ray photons from the PWN (Dubus & Cerutti 2013)

Khangulyan et al. (2012)

Interaction of winds in binary systems PSR B1259–63/LS2883 3431

Figure 7. Distribution of the magnetization in the post-shock region occu-
pied by the relativistic plasma for two different values of the magnetization
of the pulsar wind: σ = 0.03 (left-hand panel) and σ = 0.1 (right-hand
panel). The ratio of the winds’ ram pressures was assumed to be η = 0.1.

numerical method allows us to treat correctly the corresponding
sharp reduction in the magnetic field strength.

5.2 Anisotropy of the pulsar wind

As it has been described above, we study the impact of an anisotropic
energy flux in the pulsar wind under the approximation of an unmag-
netized wind. Thus, we have introduced a polar angle dependence
of the pulsar wind bulk Lorentz factor: γ = γ0 + γmax sin2 θ , where
γ0 is the initial Lorentz factor of the wind in the direction of the
rotation axis and γmax is the wind Lorentz factor at the equator.
It is expected that the pulsar wind is strongly anisotropic, that is,
γmax ≫ γ0. The level of anisotropy can be characterized by the
ratio of polar to equatorial Lorentz factors: a = γmax/γ0. In the
calculations, we adopted a value of a = 100. The definition of the
η parameter should be modified in the case of an anisotropic pulsar
wind. Namely, it is natural to assign it to the ram pressure ratio
averaged over the polar angle, that is, ⟨η⟩.

In Fig. 9, a comparison of the pressures and stream lines is shown
for two cases: isotropic pulsar wind with η = 0.05 and anisotropic
pulsar wind with ⟨η⟩ = 0.05 and a = 100. It can be seen from
the figure that the relativistic terminal shock is located closer to
the pulsar at the axis. This happens because the momentum flux in
this direction is much smaller than the averaged one. Besides these
minor changes, the geometry of the flow, in the region downstream

Figure 8. Distribution of the flow magnetization along the two field lines
shown in Fig. 2 by the white solid lines.

Figure 9. Gas pressure and stream lines in the post-shock region for the
isotropic pulsar wind with η = 0.05 (left-hand panel) and anisotropic wind
with ⟨η⟩ = 0.05 and a = 100 (right-hand panel).

farther from the axis, is similar to the flow produced by isotropic
winds.

6 D I S C U S S I O N A N D C O N C L U S I O N S

This study of the interaction between pulsar and stellar winds within
the framework of an MHD approach shows that the magnetic field
has a rather small impact on the post-shock flow. The only apparent
effect revealed by the MHD consideration, compared to a pure HD
treatment, is a weak collimation of the relativistic flow towards the
axis. This conclusion is in strong contrast with the case of plerions,
that is, when the pulsar wind interacts with the interstellar medium
(Bucciantini 2002; Khangoulian & Bogovalov 2003; Komissarov
& Lyubarsky 2003; Bogovalov et al. 2005). In the case of pleri-
ons, even a weak seed toroidal field results in efficient collimation
of the post-shock flow. This difference has a rather fundamental
reason illustrated in Fig. 10, where the distribution of the Lorentz
factor of the bulk motion is shown. As shown in this figure, the
bulk Lorentz factor is increasing in the downstream region, that is,
physically, the wind collision geometry acts as a nuzzle, providing
an efficient bulk acceleration of the plasma in the post-shock flow.
The velocity in the shocked pulsar wind rapidly reaches relativistic
values downstream the shock. It implies an inefficient collimation of
the plasma, which is a rather general effect for relativistic outflows
(Bogovalov & Tsinganos 1999). In contrast to this case, if the pulsar
wind collides with a homogeneous medium (i.e. interstellar gas), a
flow deceleration occurs in the post-shock region. This results in a

Figure 10. Lorentz factor in the post-shock region of the isotropic pulsar
wind with σ = 0.03 (left-hand panel) and σ = 0.1 (right-hand panel).

C⃝ 2011 The Authors, MNRAS 419, 3426–3432
Monthly Notices of the Royal Astronomical Society C⃝ 2011 RAS

Bogovalov et al.  (2012)

A&A 557, A127 (2013)

the anisotropic upscattering of stellar photons (Kirk et al. 1999;
Khangulyan et al. 2007; Takata & Taam 2009; Pétri & Dubus
2011). The lightcurve peaks slightly before periastron, when
the orbital geometry allows close to head-on scattering. This
lightcurve is compatible with the brightening but not with
the GeV flare. Taking the contribution from the Be disc does
not change this conclusion since disc photons come predomi-
nantly from the region closest to the star, leading to the same
lightcurve (van Soelen & Meintjes 2011; van Soelen et al. 2012;
Yamaguchi, pers. comm.). Khangulyan et al. (2012) proposed
that the flare is related to the rapidly changing shape of the
bow shock as the pulsar exits the Be disc. The unshocked pulsar
wind becomes unconfined along the direction of weakest exter-
nal pressure, giving the cold pairs present in the wind more space
(and time) to cool. A high energy density of seed photons with
a favourable scattering geometry is still required: Khangulyan
et al. (2012) postulated that this would be provided by local
heating of the Be disc due to the pulsar crossing.

A possible clue is that the orbital phase of the GeV flare
brackets inferior conjunction of the pulsar (τ+60 d, Fig. 1). The
observational evidence presented above suggests the pulsar is
away from the Be disc material, so that its ram pressure balances
the stellar wind ram pressure. In this case, the bow shock is ori-
ented towards the observer at inferior conjunction (Tam et al.
2011). For parameters appropriate to PSR B1259-63, the wind
momentum ratio η is

η =
Ė/c

Ṁwvw
≈ 0.5

!
103 km s−1

vw

" !
10−8 M⊙ yr−1

Ṁw

" !
Ėw

1036 erg s−1

"
·

(1)

Semi-analytical approximations and numerical simulations
show that the shock region asymptotes to a hollow cone far from
the binary axis; its minimum (θin) and maximum (θout) opening
angle depend only on η (Bogovalov et al. 2008; Lamberts et al.
2011, and references therein). For η ≈ 0.5, the shocked pulsar
wind fills a cone from 50◦ to 65◦, while the shocked stellar wind
fills a cone from 65◦ to 110◦ (Bogovalov et al. 2008). With an or-
bital inclination i ≈ 30◦, the line-of-sight goes through the whole
length of the shocked pulsar wind cone at inferior conjunction
(Fig. 2). Material in this cone has a speed c/3 immediately after
the shock with the flow directed towards the observer, boost-
ing the shocked pulsar wind emission due to relativistic effects
(Dubus et al. 2010). Hence, Tam et al. (2011) and Kong et al.
(2012) proposed that the GeV flare is due to Doppler-boosted
synchrotron emission, providing an attractive explanation for its
orbital phase. However, all co-located emission is impacted by
Doppler boosting so the lack of simultaneous flaring at other
frequencies (X-rays, VHE) is puzzling in this model. In addi-
tion, Khangulyan et al. (2012) commented that it would be a re-
markable coincidence that the Doppler-boosted GeV luminosity
happens to be nearly equal to the spindown luminosity.

Here, we investigate whether the GeV flare could have been
due to inverse Compton scattering of photons from the shocked
pulsar wind. The scattering geometry will be favourable if the
emitting pairs are close to the pulsar and the seed photons orig-
inate from the “cometary tail” of shocked pulsar wind material.
The seed photons will then be back-scattered to the observer at
inferior conjunction, when the shock cone sweeps the line-of-
sight, providing a geometric explanation for the orbital phase
of the GeV flare. Indeed, radio VLBI maps taken in 2010–11
show large changes in the position angle of the resolved emission
from the shocked flow between periastron passage and τ+ 100 d

periastron
brightening

inferior conjunction
+60d

pulsar motion

PSR B1259-63+120d

-120d

Fig. 1. Orbit of PSR B1259-63 close to periastron, projected assuming
an inclination i = 30◦. Be star is the red dot at center (to scale). Black
dots mark the pulsar position in 10 day intervals. The times of the GeV
“brightening” and “flare” are highlighted.
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Fig. 2. Left: geometry of the toy model for inverse Compton scattering
of X-ray emission from the cone of shocked pulsar wind (dark shaded
region in both panels). Right: zoom on the region delimited by a dashed
rectangle on the left, showing possible sources of high energy electrons.
The direction to the observer is ≈60◦ during the GeV flare (full line
arrow in both panels).

(Moldón et al. 2012, and in prep.). A detailed model would re-
quire a simulation of the interaction region coupled with radia-
tive codes. For this exploratory work we computed the expected
lightcurve using a simplified toy model, sufficient to discuss its
consequences on the properties of the pairs in the pulsar wind
and to point out a possible test: the detection of an MeV flare
prior to periastron passage.

2. Model

2.1. Assumptions

We assume that the pulsar wind interacts only with the fast stellar
wind at the time of the GeV flare (Sect. 1) and approximate the
shock region as a hollow cone, characterised by two opening an-
gles measured from the cone axis θin ≈ 50◦ and θout ≈ 65◦ (see
left panel of Fig. 2). This hollow cone represents the shocked
pulsar wind region and is the source of seed photons for in-
verse Compton scattering in our toy model. The particles in this
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were at least 10 events recorded within 15° of PSR B1259−63.
This last requirement was made to avoid erroneous results
giving unrealistically high flux levels, based on experience
analyzing the data in these short intervals.

The combined orbit-by-orbit flux light curve and photon
index variation are shown in Figure 3. Each point is centered
on orbit noon, the point in each orbit when PSR B1259−63
reaches a minimum zenith angle, and the horizontal extent
reflects the time period when PSR B1259−63 is within 60° of
the LAT boresight, not the start and stop of the orbit, as this
typically gives a better idea of when events could be recorded
from the source.

Figure 3 displays significant variation on timescales as short
as one orbit, with flux levels up to ∼7 times what a one-day
analysis would suggest. The photon index stays relatively
stable across the orbits we analyzed.

We selected the five orbits with the highest TS values to
probe variability on even shorter timescales. For each of these
orbits, we created a 30 s time bin, starting at the time of the first
event, and required at least 10 events in the 15° radius region or
else we enlarged the time bin in 30 s steps until this criterion
was met. Next, we performed an unbinned maximum like-
lihood fit, with only the normalizations of PSR B1259−63 and
the isotropic diffuse component free to vary, and required that
PSR B1259−63 be detected with TS�9 and at least 4
predicted counts, otherwise we enlarged the bin by 30 s and
repeated the fit. Once those criteria were met, we recorded the
best-fit information and started the process anew. If the last
time bin did not meet the TS or predicted number of counts
criteria, we compared the flux of the previous bin to that
derived by merging that bin with the last bin. If these two flux
values were comparable, we kept the merged bin, otherwise we
report a 95% confidence-level upper limit for the last bin. The
resulting intra-orbit light curves are shown as numbered insets
in Figure 3.

For these orbits, the bins range in size from 1 to ∼20
minutes, with flux values doubling or tripling over timescales
as small as 1–1.5 minutes. As a measure of the significance of
the intra-orbit variability, we calculated d = -STS TS TSorb

where TSorb is the TS value found when fitting the entire orbit
and TSΣ is the sum of the TS values in each intra-orbit bin.
This gave ΔTS=11, 84, 56, 26, and 61 for insets 1 through 5,
in order. Testing against the hypothesis that the flux does not
vary over an orbit, the ΔTS values should follow a c -nbin 1

2

distribution. Under this assumption we find significances of
1.1σ, 7.6σ, 5.8σ, 1.5σ, and 6.1σ, respectively. These results
suggest that the intra-orbit light curves in insets 1 and 4 show
only marginal variability, but this may be due to our method
emphasizing the highest time resolution over the most
significant binning.
For inset 3, following the prescription described previously

resulted in the first bin having an extremely high flux.
However, upon investigation, we discovered that this bin had
unusually low exposure and all of the events had zenith angle
values >80°. We therefore merged that bin with the one after it,
resulting in a more reasonable flux value. We verified that a
similar issue did not occur in the other orbits we analyzed in
detail.

3. Discussion and Conclusions

As discussed in Section 1, proposed emission models invoke
either IC or Doppler-boosted synchrotron emission to explain
the post-periastron GeV flares from the PSR B1259−63
system. IC models can be hard-pressed to generate emission
with gL ∼Ė , while synchrotron models predict contempora-
neous flares at other wavelengths. The results presented in
previous sections provide even more challenges for emission
models.
A useful value when discriminating between different

emission mechanisms is gL /Ė . In Table 2, we consider the
maximum luminosity on the different timescales we have
analyzed, defining gL = pGd4 2 and assuming a distance of
= -

+d 2.70 0.31
0.41 kpc. On daily timescales, the observed gamma-

ray luminosity pushes the limits of what the spin-down power,
Ė , can provide. The variability on even shorter timescales
requires significant beaming or an additional source of energy.

Figure 3. Flux light curve of PSR B1259−63 in single-orbit time bins. Points are plotted only for orbits with TS�12, and the best-fit photon index is plotted in the
topmost panel for those points, else a 95% confidence-level upper limit is shown. The insets numbered 1 through 5 show the light curves, requiring TS�9 as
described in the text, for the five orbits with the highest TS with the vertical axis range matched to that of the main plot and the horizontal axis spanning 50 minutes.
The horizontal dashed line in the top panel shows the best-fit photon index from the main flare period.
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Our results for the 2017 periastron passage disfavor models
that generate GeV emission primarily through the IC mech-
anism, which cannot easily produce gL >Ė(e.g., Khangulyan
et al. 2012). However, given the stark differences in the
progression of the 2017 event from the 2010 and 2014 events,
it is possible that a different mechanism was responsible for the
emission in 2017, though it is currently unclear why this would
be the case.

Following Tam et al. (2011), if we assume that the emission
near periastron represents the unboosted synchrotron flux with
daily energy flux values of ∼4×10−10 erg cm−2 s−1 and
compare to our maximum intra-orbit energy flux, using
Equation (2) of Dubus et al. (2010) the ratio of these fluxes
should be a+D3 , where D is the Doppler factor and
α=Γ−1=1.17 using the best-fit photon index from that
orbit. This yields D∼3 as compared to values between 1.5
and 2 found by Tam et al. (2011) for the 2010 event.

Kong et al. (2012) presented a model for the post-periastron
GeV flares as Doppler-boosted synchrotron emission and
estimated this would result in a cutoff energy of ∼0.236ζD
GeV, where ζ is the electron acceleration efficiency. They
chose a value of ζ=0.36 so that the synchrotron emission
would not contribute significantly above 0.1 GeV before
periastron. If we use the best-fit cutoff energy from the main
flare data and D=3, we find ζ∼1.1, implying a high
acceleration efficiency.

Arguably the most exciting result from the 2017 periastron
passage is the rapid variability. If we take the shortest rise/fall
time of the intra-orbit variability (insets in Figure 3) to be the
implied light crossing time, Δt∼1.5 minutes, then following
Ackermann et al. (2016) we can place an upper limit on the
radius of the emission region of RDcΔt=8×107 km,
where c is the speed of light, and using D=3. Using the
orbital inclination angle of 153°.4 derived by Miller-Jones et al.
(2018), we calculate the distance between the pulsar and the
system center of mass, close to the center of the Be star, to be
1.8×108 km and 2.6×108 km 40 and 72 days after
periastron, respectively, when we observed intra-orbit varia-
bility. Our upper limit on the radius of the emission region thus
varies from ∼40% to ∼30% of the distance between the pulsar
and the Be star during the main flare. New models must
therefore explain the flux variation on minute timescales and
adhere to this limit on the emission region.

We have shown that the GeV gamma-ray emission
associated with the 2017 periastron passage of the PSR
B1259−63 system progressed in a wholly different manner

than the 2010 and 2014 events. Significant emission was seen
for ∼3 weeks immediately following periastron and then not
again until 40 days after periastron when several flares, lasting
a few days each and reaching daily integral photon fluxes as
high as 4×10−6 cm−2 s−1, were observed. The flares demon-
strated significant spectral curvature and variability on time-
scales shorter than the Fermi spacecraft orbital period with
integral photon flux levels, on minute timescales, as high as
∼4×10−5 cm−2 s−1. Excluding gamma-ray bursts and solar
flares, this is the fastest GeV variability observed in LAT data.
Our results challenge the existing emission models of the PSR
B1259−63/LS 2883 system, during the periastron passage and
the few months after, and demonstrate the need for continued
monitoring over additional orbital cycles.
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Table 2
Maximum Gamma-Ray Energetics on Different Timescales

Timescale G gL gL /Ė
(10−10 erg cm−2 s−1) (1035 erg s−1)

One-week 7.3± 0.6 -
+6.4 1.6

2.0 0.8± 0.2
One-day 14± 2 -

+12 3
4

-
+1.5 0.4

0.5

One-orbit 70± 16 -
+61 14

18
-
+7.4 1.7

2.2

Intra-orbit 280± 100 -
+244 56

74
-
+29.8 6.8

9.0

Note. For the timescales listed during the 2017 periastron passage, this table
provides the maximum energy flux (G), gamma-ray luminosity ( gL ), and
luminosity as a fraction of the spin-down power, = ´Ė 8.2 1035 erg s−1

( gL /Ė). For the uncertainty on gL , we incorporate both the energy flux and
distance uncertainties.
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2017: gamma-ray variability down to ~minute time-scales



 microquasars: the case of SS433

 gamma-ray binaries: the case of PSR B1259-63 

 runaway PWNe: the case of IGR J11014-6103
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runaway PWNe

Pulsar wind structure in the Crab Nebula PSR J1747-2958 powering the “Mouse nebula”
Rees & Gunn (1974), Kennel & Coroniti (1984) Gaensler et al. (2004)

PSRs/PWNe @ HEPRO VII
•  Theory of PWN - E. Amato

•  The flaring Crab Nebula -  R. Zanin 
•  GX 301-2 with X-Calibur - M. Errando  

• The pulsar sequence - C. Kalapotharakos 

• Fast-moving Pulsars with Chandra - X. Zhang
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● pulsar wind displays anisotropic energy flux 

● collimation of the ultra-relativistic wind is rather difficult

● jet formation after wind termination-shock (e.g. Lyubarsky 2002)

● magnetic hoop stress towards pulsar rotation axis: “jets"
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runaway PWNe

anisotropic distribution in PSR winds
Bogovalov & Khangoulyan (2002)

anisotropic distribution in PSR winds
Komissarov & Lyubarsky (2003)



Crab

Vela

Kargaltsev & Pavlov (2008)

runaway PWNe

slow-motion PWNe: torus + jet morphologies



FIGURE 3. X-ray images of PWNe whose shapes are affected by the pulsar motion. The numbers correspond to Tables 1–3.

“Mushroom” PWN around PSR B0355+54 (#36; [24])
consists of a broad, bright “cap” and a narrow, faint
“stem”. Another unusual example is the Geminga PWN
(#37), which shows a shell-like structure with a bow head
and a cylindrical body seen up to�0.2 pc behind the pul-
sar, and a short (0.05 pc), narrow tail (a jet?) along the
symmetry axis of the shell [25, 26]. Such a picture sug-
gests that the Geminga’s wind is essentially anisotropic,

possibly concentrated around the equatorial plane per-
pendicular to the pulsar’s velocity. Very peculiar is the
PWN of the recycled pulsar J2124–3358 (#38), which
shows a curved X-ray tail within an asymmetric H� bow-
shock, misaligned with each other and the direction of
pulsar’s proper motion [27, 28, 29]. Such a structure
might imply nonuniformities in the ambient ISM, in ad-
dition to anisotropy of the pulsar wind.
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Kargaltsev & Pavlov (2008)

runaway PWNe

fast-motion PWNe: cometary tails / bullet-like morphologies



16 O. Kargaltsev, G. G. Pavlov, N. Klingler, and B. Rangelov

Figure 9. Chandra images of PWNe displaying misaligned outflows. The white arrows show the
directions of pulsar proper motion, and the green arrow shows the bending in the Lighthouse
Nebula outflow (inset). Chandra images of some of these objects are also shown in Reynolds
et al. (2017).

wind), where Bapex is the magnetic field inside the PWN (between the CD and TS)
near the bowshock apex. Such particles cannot be contained within the bow shock, and
can hence “leak” into the ISM, where they di↵use along the ambient ISM magnetic
field lines and radiate synchrotron photons. The Lorentz factors of escaping electrons,
therefore, can be estimated as � ⇠ 2 ⇥ 108(E/1 keV)1/2(BISM/5µG)�1/2, where BISM

is the ambient magnetic field, and E is the synchrotron photon energy that reaches
at least 8 keV for the Lighthouse, Guitar, and J1509–5058 PWNe. From the escape
condition, rg & Rh, one can set an upper limit on the PWN field near the apex:
Bapex . 34(E/1 keV)1/2(BISM/5µG)�1/2(Rh/1016 cm)�1

µG, if Rh is directly measured
or estimated from the equation given above.

It is important to stress that in this scenario the misaligned outflows are an entirely
kinetic phenomenon, which makes them very di↵erent from the pressure-confined jets of
tails. The observed appearances of the misaligned outflows should reflect the ambient
ISM structure† illuminated by synchrotron emission from the leaked PW particles. In
the discussed scenario, the misaligned structures are expected to move with the particle
injection site (SPWN apex) which moves with the pulsar.

The Bandiera (2008) scenario was challenged by recent deep Chandra observations of
the Lighthouse PWN where the misaligned outflow appears to bend around the pulsar
(as indicated by the green arrow in the inset image in the top right panel of Figure 9).
Although the distortion of the external (ISM) field can be expected if a magnetized object
is moving through the ISM (“magnetic draping”; Lyutikov 2006 and Dursi & Pfrommer

† If the leaking particles carry su�ciently large currents, the currents can perturb the original
ambient ISM magnetic field.

fast-motion PWNe: cometary tails + jet-like outflows

runaway PWNe

mushroom PWN

Kargaltsev+ (2018)



    

IGR J11014-6103

IGR J11014-6103  
(the "Lighthouse Nebula”): 
- PSR: Lsd ~ 3.5 × 1036 erg/s 
(Halpern+ 2014) 
- main-jet: 5.5’ from “PSR”,  
  cork-screw pattern  
  bending at ~ 1.4’  
- counter-jet: 1.5’ from “PSR”

MSH 11-61-A: 
- core-collapse SNR  
- t ~ 10-20 kyr (García+ 2012) 
- asymmetric shape (“ears”)



θ MSH - J11

MSH 11-61A ● no other point-like source inside SNR
● similar column density
        NH, J11  = [0.8 ± 0.2] × 1022 cm−2  
        NH, MSH = [0.6 ± 0.2] × 1022 cm−2

            ⇒ d J11 ∼ d MSH  = 7 kpc

● θ MSH - J11 ~ 11 arcmin
             ⇒ v J11 ∼ (1100 - 2200) d7 km/s
● θ jet ~ 5.5 arcmin
             ⇒ l jet ∼ 11.5 d7 pc

IGR J11014-6103

θ jet

IGR J11014-6103
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Figure 4. Composite image of the supernova remnant MSH 11−61A near IGR J11014−6103. The large image is from XMM-Newton (0.5–10 keV), while the inset
is from Chandra-ACIS (0.3–10 keV): both were rebinned and smoothed. The blue circle is the 4.′3 INTEGRAL error circle. It is shown via the red arrow that sources
PS, NE, and the center of the SNR, marked with a cyan square, are co-aligned. The 4′ X-ray tail to the northwest of PS can also be seen.
(A color version of this figure is available in the online journal.)

standoff shock, δSO = RSO cos i/d, where RSO is the standoff
shock radius, i is the inclination angle of the pulsar velocity with
respect to the plane of the sky, and d is the distance to the source.
The standoff shock location is set by the ram pressure balance
between the pulsar wind and the pulsar passing through the ISM.
The shape of the entire bow shock in space is determined by
RSO according to

R(φ) = RSO

sin φ

!

3
"

1 − φ

tan φ

#
, (1)

where φ is the angle with respect to the direction of motion, and
R is the distance to the shock along each angle (Wilkin 2000).
While the observed shape of the bow shock will depend on i,
here, we make a rough estimate for δSO using the i = 0◦ case.
Figure 3(b) compares the calculated shape of the bow shock
to the Chandra data for three values of δSO. The data are best
described by a value close to 1′′, and the lower and upper limits
are approximately 0.′′4 and 2′′, respectively.

Following Caraveo et al. (2003), we derive

δSO = 0.′′266
cos2 i

vt,3d10

"
Ė36

n0.1

#1/2

, (2)

where vt,3 is the transverse velocity of the pulsar in units
of 103 km s−1, d10 is the distance to the pulsar in units of
10 kpc, Ė36 is the rotational energy loss of the pulsar in units of
1036 erg s−1, and n0.1 is the particle density of the ISM near the
source in units of 0.1 cm−3.

From the spectral fits described above, the 0.3–10 keV unab-
sorbed flux of PS and NE combined is 2.2×10−12 erg cm−2 s−1,
which corresponds to a luminosity of 2.6×1034 d2

10 erg s−1, and

as η is the radiative efficiency of the PWN, Ė36 = 0.026d2
10η

−1.
We obtain another constraint by considering that if NE is a PWN,
then the emission has a synchrotron origin and will decay as the
electrons age on a timescale of ts,3, where this is the exponential
e-folding time for the X-ray flux in units of 103 yr. Thus, the
∼1′ transverse length of NE implies that vt,3 = 2.8d10t

−1
s,3 , and

the expression for the standoff shock radius becomes

δSO = 0.′′015
cos2 its,3

d10n
1/2
0.1 η1/2

. (3)

A significant caveat is that the synchrotron lifetime constraint
assumes that any velocity imparted to electrons in the PWN
by the pulsar is small relative to the pulsar space velocity. If
NE has a magnetotail component (Romanova et al. 2005), then
the ejection velocities could be high enough to invalidate this
assumption (Kargaltsev et al. 2008).

Figure 5 shows the distance–δSO parameter space for the case
of i = 0◦, ts,3 = 1, and n0.1 = 1 for several different values
of η that span values measured for ∼60 PWNe (Kargaltsev &
Pavlov 2010). The value of ts,3 = 1 is obtained in the Caraveo
et al. (2003) study, and it is what would be predicted for a
∼10 µG magnetic field (Kargaltsev et al. 2008). The value of
n0.1 = 1 is consistent with the intercloud ISM density found in
the vicinity of MSH 11–61A using the cloudy ISM model (Slane
et al. 2002). The Chandra constraints on δSO suggest a value of
η ∼ 10−2 if the distance is ∼2 kpc and values of η ∼ 10−3

to 10−4 if the distance is ∼10 kpc. Although we cannot use
this information to formally constrain the distance, the larger
distance is slightly favored since PWNe with η = 10−3 to
10−5 are much more common than PWNe with larger radiative
efficiencies (Kargaltsev & Pavlov 2010).
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Figure 4. Composite image of the supernova remnant MSH 11−61A near IGR J11014−6103. The large image is from XMM-Newton (0.5–10 keV), while the inset
is from Chandra-ACIS (0.3–10 keV): both were rebinned and smoothed. The blue circle is the 4.′3 INTEGRAL error circle. It is shown via the red arrow that sources
PS, NE, and the center of the SNR, marked with a cyan square, are co-aligned. The 4′ X-ray tail to the northwest of PS can also be seen.
(A color version of this figure is available in the online journal.)

standoff shock, δSO = RSO cos i/d, where RSO is the standoff
shock radius, i is the inclination angle of the pulsar velocity with
respect to the plane of the sky, and d is the distance to the source.
The standoff shock location is set by the ram pressure balance
between the pulsar wind and the pulsar passing through the ISM.
The shape of the entire bow shock in space is determined by
RSO according to

R(φ) = RSO

sin φ
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where φ is the angle with respect to the direction of motion, and
R is the distance to the shock along each angle (Wilkin 2000).
While the observed shape of the bow shock will depend on i,
here, we make a rough estimate for δSO using the i = 0◦ case.
Figure 3(b) compares the calculated shape of the bow shock
to the Chandra data for three values of δSO. The data are best
described by a value close to 1′′, and the lower and upper limits
are approximately 0.′′4 and 2′′, respectively.

Following Caraveo et al. (2003), we derive

δSO = 0.′′266
cos2 i
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Ė36
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where vt,3 is the transverse velocity of the pulsar in units
of 103 km s−1, d10 is the distance to the pulsar in units of
10 kpc, Ė36 is the rotational energy loss of the pulsar in units of
1036 erg s−1, and n0.1 is the particle density of the ISM near the
source in units of 0.1 cm−3.

From the spectral fits described above, the 0.3–10 keV unab-
sorbed flux of PS and NE combined is 2.2×10−12 erg cm−2 s−1,
which corresponds to a luminosity of 2.6×1034 d2

10 erg s−1, and

as η is the radiative efficiency of the PWN, Ė36 = 0.026d2
10η

−1.
We obtain another constraint by considering that if NE is a PWN,
then the emission has a synchrotron origin and will decay as the
electrons age on a timescale of ts,3, where this is the exponential
e-folding time for the X-ray flux in units of 103 yr. Thus, the
∼1′ transverse length of NE implies that vt,3 = 2.8d10t

−1
s,3 , and

the expression for the standoff shock radius becomes

δSO = 0.′′015
cos2 its,3

d10n
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A significant caveat is that the synchrotron lifetime constraint
assumes that any velocity imparted to electrons in the PWN
by the pulsar is small relative to the pulsar space velocity. If
NE has a magnetotail component (Romanova et al. 2005), then
the ejection velocities could be high enough to invalidate this
assumption (Kargaltsev et al. 2008).

Figure 5 shows the distance–δSO parameter space for the case
of i = 0◦, ts,3 = 1, and n0.1 = 1 for several different values
of η that span values measured for ∼60 PWNe (Kargaltsev &
Pavlov 2010). The value of ts,3 = 1 is obtained in the Caraveo
et al. (2003) study, and it is what would be predicted for a
∼10 µG magnetic field (Kargaltsev et al. 2008). The value of
n0.1 = 1 is consistent with the intercloud ISM density found in
the vicinity of MSH 11–61A using the cloudy ISM model (Slane
et al. 2002). The Chandra constraints on δSO suggest a value of
η ∼ 10−2 if the distance is ∼2 kpc and values of η ∼ 10−3

to 10−4 if the distance is ∼10 kpc. Although we cannot use
this information to formally constrain the distance, the larger
distance is slightly favored since PWNe with η = 10−3 to
10−5 are much more common than PWNe with larger radiative
efficiencies (Kargaltsev & Pavlov 2010).
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IGR J11014-6103

jet-like structures in the Lighthouse Nebula

• @ 7 kpc, ljet ≥ 11.5 pc, longest Galactic X-ray jets
• precession-like pattern 
• no signatures of jet bending
• fainter counter-jet
• chance probability ~ negligible:
          - alignement jet/counter-jet
          - flux change @ “PSR” position
• jet-features provide ~ 1/3 of total X-ray flux

extreme properties as compared to archetypical 
PWN jets, e.g. Crab, Vela…

how can ultra-fast runaway pulsars develop 
prominent, unbent jets?

Bubbles in PNe and clusters of galaxies 1117

Figure 1. Schematic drawing of the interaction between the jet and the slow

wind that bends it. The slow wind is blown at velocity v s by the primary

star on the right, while the jet is blown by the accreting secondary star on

the left. The jet speed v j is assumed to be v j ≫ v s. The mass-loss rate in the

two jets combined is Ṁj, and the mass-loss rate of the slow wind is Ṁs. The

orbital motion is ignored. The upper panel shows the jet when no bending

occurs for clear definition of some quantities, while the lower panel shows

the bent jet. An opposite jet exists on the other side of the equatorial plane.

each other. We consider a narrow jet’s segment at a height z above

(or below) the equatorial plane. The slow wind segment that hits

this segment left the primary at an angle β to the equatorial plane

(see Fig. 1)

sin β =
z

(z2 + r 2)1/2
. (2)

The slow wind that hits the jet at a high z above the equatorial plane

has a relative velocity to the jet of

vrel =
[

v2
θ + (vs cos β − vr)

2 + (vs sin β)2
]1/2

. (3)

We consider a fast jet v j ≫ v s that initially expands perpendicularly

to the orbital plane, but is then bent by the ram pressure of the slow

wind and acquires a velocity parallel to the equatorial plane vp.
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The meaning of the different terms in equation (8) is as follows.
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typical value of total number density n ∼ 104 cm−3 and temperature
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• highest energy electrons accelerated at the PWN escape from the bow shock 
and diffuse into the ambient medium B-field 

• The linear geometry would reflect the plane-parallel geometry of this B-field, 
and avoid bending effects of ballistic jets

• live-time of electrons to produce observed X-rays (Guitar Nebula) is ~ 100 
yrs, or about 36 pc at v ~ c, much larger than ljets

• alternative: electrons scatter back and forth along the flux tube: plane-
parallel large-scale B-field + turbulent field (increase sync. losses, makes 
“jets" rather bright) - spectral features?

 

2 Rino Bandiera: On the X-ray feature associated with the Guitar Nebula

We assume that a constant fraction ξ of the pulsar spin-down
power enters an isotropic wind, while a fraction µ (ξ + µ < 1)
is channelled into a cylindrical jet of circular cross-section and
transverse size Wfea. While the material in the jet travels a dis-
tance Lfea, we also assume that the ambient ram pressure deposits
an extra transverse momentum, equal to a factor of ϵ times the
original jet momentum (ϵ must be very small, otherwise the jet
bending would be appreciable). A comparison between the orig-
inal momentum of the jet and the additional transverse momen-
tum implies that:

ϵµĖ/c = WfeaLfea sin(118◦)ρambV2∗ . (1)

The size of the bow shock is also determined by the balance be-
tween stellar wind and ambient medium ram pressures, namely

ξĖ/c = 4πR2bowρambV
2
∗ . (2)

In the above two equations, µ and ξ are the relative conversion
efficiencies. Combining the above equations, we derive:

Wfea

Lfea
=

4πϵµ
sin(118◦)ξ

!

Rbow
Lfea

"2

< 3.6 × 10−6
ϵµ

ξ
, (3)

where we have used Lfea > 2, 000Rbow. Even though this re-
sult can be partially attenuated by assuming an ambient density
gradient, a low wind efficiency, and/or by invoking some special
transient in the pulsar energy release (even though no sign of this
was evident in the pulsar timing), it is theoretically difficult to
account for such a small Wfea/Lfea ratio, especially considering
that the measured value of this ratio is about 0.1–0.2. Therefore,
even though all the above estimates are approximate and some
assumptions could be refined, the observed value is many orders
of magnitude above the theoretical upper limit, and therefore the
hypothesis of a ballistic jet is difficult to pursue.

In this paper, we propose an alternative scenario to explain
the linear X-ray feature and its phenomenology, which is based
on the idea that high-energy electrons may diffuse away from
the bow-shock region and interact with the ambient medium.
The basic ideas behind this scenario and its assumptions are pre-
sented in the next section. Section 3 investigates the evolution of
the highest energy electrons in the bow-shock region, while the
interaction of these electrons with the ambient field is consid-
ered in Sect. 4. Section 5 presents our conclusions and discusses
the model predictions that should be tested in a near future.

2. Basic ideas and assumptions
The principal feature of the scenario proposed here is that the
highest energy electrons accelerated at the pulsar wind termi-
nation shock may escape from the bow-shock region and dif-
fuse through the ambient medium, where they emit synchrotron
X-rays. These electrons interact directly with the ambient mag-
netic field, and this interaction will affect both their motion and
emission. The macroscopic dynamical properties of the ambient
medium will not be changed; for instance, the orientation of the
X-ray feature simply reflects the original orientation itself of the
ambient magnetic field. However, the electrons may play a role
in the amplification of the ambient magnetic field by creating a
turbulent component, which may affect their diffusion. The dif-
fusion coefficient perpendicular to the original orientation of the
magnetic field remains small, and the cross-field diffusion can be
neglected. In the following, we verify the internal consistency of
these assumptions, as well as their consistency with the observed
phenomenology.

The pulsar moves with respect to the ambient medium and,
as a consequence, electrons are always injected in different flux
tubes. Even in the absence of cross-field diffusion, the nebu-
lar source has a thickness that depends on the synchrotron life-
time of the X-ray emitting electrons. The map shown by Hui
and Becker (2007) represents a transverse size of at most 20′′;
while an average transverse profile (taken from Cordes et al., in
preparation; Romani, private communication) is consistent with
a sharp (< 2′′) leading edge and a backward tail of a total thick-
ness ! 18′′. A fit to this profile by an exponentially decreasing
law provides an e-fold scalelength ! 19′′. Using this value, the
synchrotron timescale for the X-ray emitting electrons can be
estimated to be:

tlif =
19′′

sin(118◦)0.182′′ yr−1
! 120 yr . (4)

Their lifetime, derived from synchrotron theory, is:

tlif = 24.5 B−2γ−1 yr ! 120
# EX
2 keV

$−1/2 ! B
45 µG

"−3/2

yr . (5)

Therefore, the synchrotron timescale as inferred from observa-
tions corresponds to a magnetic field ! 45 µG (here and in the
following, we use 2 keV as a reference energy for the observed
X-ray photons). With this magnetic field, the Lorentz factor of
the X-ray emitting electrons is:

γX ≃ 108
# EX
2 keV

$2/3 ! B
45 µG

"−2

. (6)

3. Physical conditions in the bow-shock region
The Lorentz factor of the electrons emitting X-rays in the neb-
ular feature is so large that their gyration radius is comparable
with the bow-shock size. In fact, if the magnetic field in the head
of the bow shock is of the order of the equipartition field

Bbow =
%

2Ė/cR2bow ! 170 ξ
1/2 (d/1.86 kpc)−1 µG , (7)

the gyration radius of electrons with Lorentz factor γX is
Rgyr,bow = (mec2/eBbow)γX, namely:

Rgyr,bow
Rbow

! 0.6 ξ−1/2
# EX
2 keV

$2/3 ! B
45 µG

"−2

. (8)

The fact that Rgyr,bow/Rbow is close to unity supports the origi-
nal assumption that high-energy electrons may escape from the
bow-shock region. The spectrum of the X-ray feature is quite
hard (as presented by Hui & Becker 2007). This implies that the
electron energy distribution is dominated by its highest-energy
part, and that a leakage of the highest-energy electrons would
affect substantially the entire energy budget of the system.

Another interesting result is that the electrons produced at
the termination shock may reach quite high energies. As a di-
mensional scaling, we evaluate the Lorentz factor of maximally
accelerated electrons. According to Goldreich & Julian (1969),
the maximum potential drop (between the pole and the last open
field line) in an aligned pulsar is:

∆Φ = (aΩ/c)2 aB∗ =
%

3Ė/2c , (9)

which corresponds to an acceleration of up to a Lorentz factor:

γMPD =
e∆Φ
2mec2

=
e

2mec2

&

3Ė
2c
= 7.2 × 107 . (10)
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down-power and velocity. By substituting Eqs. 7 and 10 into the
definition of Rgyr, we find that

Rgyr =
mec2

eBbow
γMPD =

1
2Bbow

!

3Ė
2c
=

√
3
4
Rbow , (16)

The level of proximity of both the bow-shock magnetic field to
its equipartition value, and the maximum electron Lorentz factor
to the value γMPD could produce the observed differences in the
pulsar bow-shock nebulae. The Guitar Nebula is, however, an
ideal object in which to observe these effects, because in other
bow-shock nebulae a similar X-ray feature (if scaled to the bow-
shock stand-off distance) would be too diffuse to be detectable.

From the theoretical side, a more detailed investigation is
required to understand which instabilities could allow an effi-
cient, turbulent amplification of the magnetic field, as required
to explain the X-ray feature. It would also be important to deter-
mine the highest energies of the electrons injected from the wind
termination shock, a long-standing problem that has never been
resolved.

From the observational side, there are some predictions of
the present model that need to be verified. First of all, the linear
feature must travel at the same speed as the pulsar: this predic-
tion could be tested in the next few years because the pulsar, with
its high propermotion, covers about 1′′ in only 5 years. If no mo-
tion was be detected, a completely different scenario would have
to be envisaged. Another prediction is the spectral change across
the feature, with harder spectra on its front side and softer spec-
tra on its back side (due to the synchrotron-driven evolution of
the electrons, injected at different times).

Inverse Compton scattering of electrons with Lorentz factors
∼ 108 can upscatter CMB photons to the TeV range. Therefore,
in principle, this object could also be a TeV source, but it would
be far too faint to be detected by present day Cherenkov tele-
scopes. At B = 45 µG, the magnetic field energy density is
about a factor of 200 higher than the energy density of the
CMB radiation. Therefore, the total inverse Compton luminosity
of this feature should be 200 times lower than the synchrotron
luminosity, namely ≃ 2 × 1029 erg s−1 corresponding to a flux
≃ 3 × 10−16 cm−2s−1, about three orders of magnitude too faint
to be detected by MAGIC (5σ detection in 50 hr). Of course, de-
tecting a TeV source at the position of the feature (its size would
allow it to be marginally resolved from the pulsar itself) would
require a revision of the above model.

Last but not least, the present model does not explain why
we do not see another X-ray feature on the opposite side of the
pulsar. In principle, electrons could flow equally well on both
sides of a magnetic flux tube. Also, no Doppler boosting effect
can be invoked because, due to scattering, the bulk motion of the
electrons in the feature is non-relativistic.

We propose that this asymmetry reflects an asymmetry in the
pulsar wind itself. Even for an axisymmetric pulsar wind, it is
sufficient that the symmetry axis of the pulsar wind is not paral-
lel to the pulsar velocity for such an asymmetry to be produced.
A detailed numerical modelling is required to compute quantita-
tively, for different geometries, the resulting level of asymmetry
in the X-ray source.
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Figure 4. Qualitative illustration of asymmetric magnetic bottling. A pulsar in the ‘frisbee’ configuration (i.e. spin axis is oriented parallel to velocity direction)
propagates through the ISM magnetic field that is perpendicular to its direction of motion and spin axis. The internal magnetic fields within the PWN are oriented
in opposite directions in the Northern and Southern hemispheres. Reconnection between the draped external field and intrinsic fields creates back-and-forth
asymmetric magnetic configurations. Full numerical simulations confirm this simple qualitative explanation, see Fig. 11.

Figure 5. Qualitative illustration of initial orientation of the pulsar relative
to its motion in the ISM.

so we assume that in the shocks some fraction of the thermal energy
is transferred to NT particles. Also, here we did not take into account
effects connected to NT particle spectra. The volume emissivity for
synchrotron radiation is proportional to the NT particle’s density and
inversely proportional to the cooling time, which is proportional to
the co-moving magnetic field energy density (see Fig. 9).

In both left-hand and right-hand panels of Fig. 9, we see the
formation of asymmetric jet-like structures and fainter equatorial
outflows. In the synchrotron maps, jet-like structures appear to be
much more visible. If the pulsar moves towards us (upper panels),
we see an asymmetric structure with a brighter bottom/back jet

structure. If we look at the PWNe from the side (perpendicular to its
direction of motion), we see the asymmetric jet-like structure. If we
view the system from the ‘top’, jet-like structures merge and become
a bright head narrow tail structure. In all cases, on the synchrotron
maps, the equatorial flow is less visible. Morphologically, the fast
and slow models are similar.

Both slow and fast models show therefore very similar
morphologies and emissivity maps, so the results of Barkov
et al. (2019) can be safely extrapolated to much slower
pulsars.

5 DY NA M I C S A N D M O R P H O L O G Y O F
KINETIC JETS

5.1 Magnetic field connection time

The stand-off distance, equation (1), is rs ≈ 1016 n
−1/2
0 v−1

p,8 cm. The
travel time to the stand-off distance is given by

ts = rs

vp
= 4n

−1/2
−1 v−2

p,8 yr. (2)

We expect that ts is the typical time that any ISM field line remains
connected to the pulsar wind.

Figure 6. Density cuts and velocity vectors for the slow model (left) and the fast model (right).
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Barkov+ 2018

• kinetically streaming pulsar wind particles escaping into the ISM due to 
reconnection between the PWN and ISM magnetic fields 

• Numerical 3D relativistic MHD simulations (PLUTO code Mignone+ 2012)

• contact discontinuity becomes a rotational discontinuity with magnetic fields 
of similar strength on both sides, prone to reconnection Komissarov+ 2007 

• The structure of the reconnecting magnetic fields at the incoming and 
outgoing regions produces highly asymmetric features 



➤ fit with ballistic jet model
➤ best fit values:
                β = 0.8 c, 
                τprec = 66 yrs
                αprec = 4.5º
                inclination = 50º

 ➤  byproduct: internal Doppler

 
=> cork-screw morphology in  
ambient + self-generated  
turbulent B-field?
      

IGR J11014-6103



jet-like structures in the GC

MeerKAT, South African Radio Astronomy Observatory (SARAO) 2018

The central part of the Galaxy shows numerous non-thermal filaments (MeerKAT Coll. 2018)

Filaments are ~linear, extending for a few parsecs to few tens of parsecs 

origin? magnetic flux tubes illuminated by local injection of relativistic particles (Morris & Serabyn 1996)

local injectors: unresolved fast-moving PWNe? Barkov & Lyutikov 2019



summary

Our Galaxy at high-energies is populated (and powered) by a variety of systems 
harbouring compact objects displaying relativistic outflows. 

Microquasars: recent detections at gamma-rays support long-predicted theoretical 
expectations. Ideal lab to study jet launching and propagation mechanisms, in a 
periodically changing environment. Large-scale interactions now in the game (SS433)

Gamma-ray binaries: few systems so far, all showing “exceptions to the rule”. 
Extremely efficient accelerators. Many unknowns: powering engine, emitter location, 
emission/absorption mechanisms 

Runaway PWNe: prominent outflows being revealed in X-rays, defying classical  
(ballistic) jet interpretations. Alternative scenarios include magnetic reconnection and 
diffusion of highest-energy particles into ambient B-field. 



bonus track
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contributor to the “GeV excess"? 

▸ gamma-ray excess observed from inner regions  
   of the Galaxy, peaking at ~[1-5] GeV  Goodenough & Cooper 2009, 
     Vitale+ 2009, Hooper & Linden 2011, Gordon & Macias 2013, Calore+ 2015 

▸ several interpretations 

   - dark matter annihilation 

   - cumulative emission from unresolved sources (MSPs?) 

   - diffuse CR emission  

▸ can SS433 be the iceberg-peak of a yet un-resolved  

  γ-ray emitting μQ population contributing to GeV excess? 

  - known jet bulk-Lorentz factors: Γ ~ [1-10]  

  - cumulative signal would appear broader 

  - cumulative signal would be shifted to ~few GeVs  

▸ spatial distribution of (unknown) pop. of LM-μQs?

4

FIG. 2: The gamma ray spectrum measured by the FGST within 0.5◦ (left) and 3◦ (right) of the Milky Way’s dynamical
center. In each frame, the dashed line denotes the predicted spectrum from a 28 GeV dark matter particle annihilating to
bb̄ with a cross section of σv = 9 × 10−26 cm3/s, and distributed according to a halo profile slightly more cusped than NFW
(γ = 1.1). The dotted and dot-dashed lines denote the contributions from the previously discovered TeV point source located
at the Milky Way’s dynamical center and the diffuse background, respectively. The solid line is the sum of these contributions.

pion decay taking place with a roughly spherically sym-
metric distribution around the Galactic Center, for ex-
ample, could be difficult to distinguish. Further informa-
tion will thus be required to determine the origin of these
photons.
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adiabatic expansion scenario for the precessing jets of SS 433,

Migliari et al. 2002) This model provides a good fit to the data,

(⇤̃2 = 1.09/ 65 d.o.f., similar to that obtained with the power-

law model), with best fit parameters NH= (0.8±0.2)⇥10
22

cm
�2

and kT = 11
+17

�5
keV. Although line emission should be expected

at such temperatures, in particular around 6-7 keV, the relatively

low count statistics of the jet spectrum prevents us from prob-

ing the existence of such lines. Our fit results, therefore, can-

not clearly distinguish between a pure thermal and a power-law

model (a fit using both components provides a slightly worse ⇤̃2

and is unable to constrain neither the plasma temperature nor the

value of NH). We note, however, that in a thermal scenario the

plasma is expected to cool down on length-scales much shorter

than the ⇤ 11 pc displayed by the main jet, and, therefore, a con-

tinuous reheating of the emitting material would be required to

explain the observed lack of spectral changes along the jet. In ad-

dition, pulsar jets are supposed to have a magnetohydrodynam-

ical origin (see, e.g., Bogovalov & Tsinganos 1999), and there-

fore a power-law component from synchrotron emission should

in any case be expected (see, e.g., Pavlov et al. 2003; Johnson

& Wang 2010; De Luca et al. 2011; Hui et al. 2012). We con-

clude that the thermal model is disfavored with respect to the

power-law model, and a synchrotron scenario is assumed in the

following.

The jet feature and the counterjet together provide almost 1/3
of the total X-ray flux (⇤ 2 ⇥ 10

�12
erg cm

�2
s
�1

) of the Light-

house nebula.
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Fig. 2. Top panel: Radial profile within 3
⌅⌅

from the source PSR (his-

togram in black) compared to the PSF (red dashed line) simulated with

the ChaRT tool at the PSR position and with the measured energy spec-

trum. Bottom panel: same plot as above, but for the regions marked in

the inset picture. Positive radial distances are in front of the source, in

the SW direction, negative are backwards in the NE direction (i.e. in the

direction of the PWN).

Fig. 3. Chandra (left) and ATCA 2GHz (right) images of the PWN. The

ATCA contours are overplotted on both images. On the right panel, a

cross marks the position of the radio source as reported in the MGPS-2

survey (see text for details).
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Fig. 4. Intensity profiles along the PWN, at 2GHz (dashed line) and 0.5-

10 keV (solid line), as a function of the distance from PSR. The radio

and X-ray profiles peak at di�erent positions, separated by 22
⌅⌅

. This

can be explained by the cooling of the emitting particles. The shape of

the PWN at both wavebands and its alignment are in favor of a high

velocity (>1000 km s
�1

).

2.2. ATCA radio observations

We observed the Lighthouse nebula region on January 11, 2013

and February 22, 2013 with ATCA (project C2651), using the

new Compact Array Broadband Backend (CABB) receiver at ar-

ray configurations of EW352 and 6A, and wavelengths of 20, 6,

and 3 cm (�=2, 5.5 and 9 GHz), with bandwidths of 2 GHz. The

observations were carried out in “change-frequency” mode, to-

taling ⇤24 hours of integration over the two observing periods.

The sources PKS B1934-638 and PKS 1059-63 were used for

primary and secondary (phase) calibration, respectively.

We used the miriad (Sault et al. 1995) and karma (Gooch

1996) software packages for reduction and analysis. Images

were formed using miriadmultifrequency synthesis (Sault et al.

1995) and natural weighting. They were deconvolved using the

mfclean and restor algorithms with primary beam correction

applied using the linmos task. We used a similar procedure for

both U and Q Stokes parameter maps. Because of the good dy-

namic range (signal to noise ratio between the source flux and

3⇥ noise level), we applied self-calibration, which resulted in

our best total intensity image (see Fig. 3). While our shortest

baseline was 46 m (at EW352 array), we still su�ered from the
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